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Figure 6
Figure 7a
Figure 7b
observed for Hy, HS, and He I, X X  4471, 
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Final model determination. Along "H, He 
lines", the Balmer lines and the three helium 
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is achieved for Si II/III and S II/III 
respectively. "H6 Pro, 0.50" and "Hy Pro, 
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cates the error resulting from the fitting 
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Computed and observed (dotted) line shape of 
Hy. The theoretical profile has been ob­
tained from the final model (T^^ = 22,500°K, 
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Computed and observed (dotted) line shape of 
HS? notation as in Figure 7a.
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Figure 8
Figure 9
Profiles of the He I-lines X X  4471, 4388,
O
4143 A. Observations are dotted-theoretical 
profiles from final model.
Continuous spectrum of HD 184927 (both 
reddened and unreddened) and prediction of 
final model.
ABSTRACT
A fine analysis of the helium-rich star HD 184927 has 
been performed by using a grid of flux-constant model at­
mospheres. The grid was computed utilizing a modified 
version of the program ATLAS. The models were computed 
on a grid bracketing the atmospheric parameters of HD 
184927, as determined by an initial coarse analysis. The 
entire grid was computed under the assumption of local 
thermodynamic equilibrium. All relavent opacities, as 
contained in ATLAS, were employed. Models having T K 
25,000 °K and N(He) < 0.9 were hydrogen-line (Lyman and 
Balmer) blanketed; models having 25,000 °K and/or
N(He) ^0.9 were not.
Helium profiles were computed with a code written by
H. L. Shipman and provided by D. M. Peterson. The helium 
line-broadening theories are those of Barnard, Cooper, and 
Shamey (A 4471), Shamey (A 4388) , and Gieske and Griem 
(A 4143). Balmer lines employed in this investigation 
were computed with the semi-empirical theory of Edmonds, 
Schliiter, and Wells.
O
Observational material includes both high (6.5 A/mm) 
and moderate dispersion spectrograms covering the spectral
O
region A 3600 - A 6200 A and moderate resolution spectral 
scans.
The final model has been adopted to match the 
following criteria: (1) equal hydrogen abundance from
both the hydrogen and helium equivalent widths, (2) 
ionization equilibria of Si 11/Si III and S II/S III,
(3) Hy and H6 profiles, (4) He I, X X  4471, 4388, 4143 
profiles, and (5) the continuous flux distribution (Balmer 
discontinuity). A microturbulent velocity, conventionally 
considered as describing small scale velocity fields in 
the line-forming regions of the atmosphere, has been deter­
mined from the metallic lines. For simplicity, this 
parameter has been assumed to be independent of atmospheric 
depth. The value has been adjusted until the determined 
abundances are independent of both line strength and 
lower excitation potential. The theoretical model best 
reproducing the above variables is parameterized by:
Teff = 22,500 °K N(He) = 0.50
log g = 3.80 v^ _ = 6 km sec"^
All metallic abundances have been calculated from the 
final model. The metal abundances were found to be 
approximately normal for oxygen, carbon, nitrogen, mag­
nesium, silicon, aluminum, phosphorus, and neon; sulfur, 
argon, and iron may be slightly overabundant.
Mass, radius, luminosity, and distance were deter­
mined to be M = 12.4 M , R = 7.3 R,., log (L/L_) = 4.1, and
O  (9 @
xiii
r = 1.26 Kpc. These values of mass, radius, and luminosity 
are typical for helium-rich, or hydrogen-deficient, stars 
of which a  Orionis E may be called a prototype.
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CHAPTER I 
INTRODUCTION
A. Spectral Classification 
There exists, in general, three different types of 
spectra: continuous spectra, emission-line spectra at
discrete wavelengths, and absorption-line spectra at dis­
crete wavelengths. Astronomical spectra include all three 
of the above, either separately or in combination with one 
another; however, the majority of stellar spectra are 
absorption spectra, each absorption spectrum usually super­
posed on a continuous spectrum, at least within the visible 
region of the spectrum.
The spectra of various stars look quite different.
The astronomer*s task, thus, is to find some systematic way 
to classify stellar spectra. In the past, many complicated 
classification schemes have been devised, but, even today, 
the majority of astronomers still prefer to classify 
spectra simply by the overall appearance of the spectrum 
utilizing both visual estimates and/or impressions of the 
way a spectrum looks.
After the initial works of such pioneers as Wollaston, 
Newton, and Fraunhofer, an Italian priest, Angelo Secchi, 
began his astronomical work and the first professional 
attempt at spectral classification developed. He observed,
2visually, the spectra of several hundred of the brighter 
stars, and found that stellar spectra could be divided into 
four main classes. During these earlier days, no line- 
identifications had been made; the classification scheme, 
therefore, depended only on the strengths and complexities 
of absorption features present in the spectra.
Secchi's classification of, and discrimination be­
tween, the four distinct classes were the following:
Class I - very strong absorption lines (now known 
to be the Balmer series of hydrogen).
Class II - resembling the spectra of the sun, i.e., 
numerous lines, none as strong as those 
appearing in the first class.
Class III - somewhat similar to the solar spectrum,
but a more complicated spectral appearance, 
including what appeared to be molecular 
bands (now known to be TiO bands).
Class IV - banded spectra, but different in appear­
ance from Class III (now called Carbon 
stars; bands are those of and CN).
A direct development of Secchi's scheme was the Harvard 
classification system, wherein which, stellar classes are 
denoted by letters, rather than Roman numerals.
As previously stated, classification is usually based 
on the observable characteristics of the objects to be
classified. Our galaxy alone contains approximately lO1^
3stars and it is reasonable to believe that many of these 
are similar. The main objective of any classification 
procedure is to find out which are alike. The number of 
divisions into which one divides stellar spectra is purely 
a matter of convenience. Secchi's divisional procedure did 
not imply that the spectra of the stars were only of four 
types; he simply found it convenient to assign them into 
four major classes, realizing, however, the existence of 
intermediate cases. The Harvard classification was merely 
a numerical extension of the number of cells within this 
one-dimensional array. This system started with the stars 
that showed very few lines and these were designated as of 
Class A. As the complexity of the spectra increased, 
designations of B, C, D, E, etc. were employed.
About 1900, it became apparent that this order of 
classification was also an order of color in the sense that 
the stars became redder as one went to later classes. Also, 
it appeared that the cooler stars belonged to the later 
classes; the hotter stars, to the earlier classes.
Two major changes then occurred in this one-dimensional 
Harvard classification scheme. The first change was the 
elimination of many of the classes found to either be the 
result of poor photographs or non-distinguishable from 
neighboring classes. The second major change resulted 
from the identification of helium in the spectra of some 
of the stars (mainly class B). It was shown that if a
4star showed helium lines, it must be hotter than one that 
did not. Anticipating a temperature sequence, the final 
one-dimensional spectral series assumed its modern form:
B, A, F, G, K, M. Class 0 stars, presenting He II lines 
in their spectra, were later added to this list and placed 
before the B stars, since the presence of He II implied 
an ever higher temperature than did the presence of neutral 
helium. In principle, each class is in turn divided into 
ten groups, which are commonly referred to as "spectral 
types"; each type is designated by a digit 0, 1, 2, ....,
9, placed after the capital letter for the "spectral 
class". But, in fact, not all of the subdivisions are 
used. In a general way there has been an endeavor to 
maintain a uniform gradation between successive types: for
example, type B6 is approximately midway between types B5 
and B7; type F9, between types F8 and GO.
Miss Antonia C. Maury, at Harvard in the late 1890's, 
quantitatively introduced the idea of stellar luminosity 
into the existing one-dimensional (temperature) spectral 
classification sequence. She set up three parallel 
sequences, instead of one, designating them "a", "b", and 
"c", each being itself a temperature sequence. Separation 
of a given spectral type into one of the three categories 
depended mainly on the broadness or narrowness, or 
strengths, of prominent spectral features, such as the 
hydrogen lines. This work was not well received at the
5time and the one-dimensional system continued for many 
years. It should be noted that E. Hertzsprung, using Miss 
Maury’s work, in a series of papers published between 1905 
and 1910, also, rather conclusively, demonstrated that 
there existed stellar spectral features that allowed one 
to discriminate between stars of different luminosity.
These works, too, were for the most part ignored.
Between 1910 and 1930, Adams and Kohlschiitter, at the 
Mount Wilson Observatory, developed the first "modern" 
method of spectroscopic absolute-magnitude determination. 
After careful analysis of many stellar spectra, they 
found that if one observed the ratio of the intensities of 
two carefully selected lines in a stellar spectrum and 
considered various stars of the same Harvard spectral type, 
the values of this ratio could be related to the star's 
absolute magnitude. The main objection to this method was 
the calibration problem. One must accurately determine 
the absolute magnitudes of the stars used to calibrate the 
relation. Thus the method, in practice, constituted a 
nearly continual change in calibration as more accurate 
absolute magnitude determinations for the standard stars 
became available.
In the late 1930's, W. W. Morgan introduced the 
presently employed classification scheme, commonly called 
the Yerkes or MK system. His classification was basically 
a return to the idea of attributing to a stellar spectrum
6a classification that would be characteristic of its 
appearance, thus separating the classification completely 
from the calibration problem. Morgan retained the Harvard 
nomenclature with classes 0 through M and, in addition, 
introduced a series of luminosity classes I, II, III, IV, 
and V. The brightest stars of each spectral class were 
placed in luminosity class I (called supergiants); the 
faintest stars, in luminosity class V (called dwarfs or 
main sequence stars). Intermediate stellar objects were 
suitably positioned in luminosity classes II, in, and IV. 
These latter three classes are commonly referred to as 
luminous giants, normal giants, and subgiants, respectively. 
The supergiants were soon subdivided into classes la and 
lb, and eventually an intermediate class, lab, was intro­
duced. Presently, there exists similar subdivisions - 
a, ab, b - of classes II and III (e.g., Morgan and Keenan, 
1973).
The classification of any stellar object was to be 
obtained by comparison with a well defined array of 
standard stars, located on a two-dimensional spectral 
type vs luminosity-class diagram. These standards were 
initially defined by the Atlas of Stellar Spectra (Morgan, 
Keenan, and Kellman, 1943). Slight revisions in the 
spectral types of some of the standard stars were given 
by Johnson and Morgan (1953). The most recent, and most 
complete, set of standards, is given by Morgan and Keenan
7(1973).
Note that the MK system is a two-dimensional classi­
fication, necessitated because stars differ primarily in 
two parameters: temperature and surface gravity. It is
easily shown that the surface gravity, g, is directly 
related to the luminosity, L. If M, R, and represent
the stellar mass, radius, and effective temperature, 
respectively, then:
g a M/R2 (1)
and
L a R2 T*ff (2)
It immediately follows that
L a M/g T*ff (3)
For stars of the same spectral type, and, therefore, 
approximately the same temperature
g a M/l ; Teff = constant (4)
It has been found that M varies, at most, by a factor of
2 4approximately 10 while L varies by 10 or more, for
8normal stars. The surface gravity, is thus, in a first 
approximation, inversely proportional to luminosity.
It should be noted that, as with spectral-type 
classification, luminosity classification is in no way 
quantized. Rather, it was decided that the continuum of 
luminosity changes could be most efficiently divided into 
the five significantly different varieties of spectral 
appearance resulting from luminosity differences at any 
one spectral type.
In the above, earlier, classification schemes, one 
important assumption was employed —  namely, that of no 
variation in the relative abundances of the elements. The 
early work of Saha, Boltzmann, and others showed that the 
majority of spectral differences occurring at different 
places in the H-R diagram could easily be explained by 
variations in physical conditions within the stellar 
atmospheres. The addition of a third parameter, the metal 
to hydrogen ratio, was, therefore, not deemed necessary to 
explain the variations in spectral characteristics.
The first indications that there might be something 
unusual in the abundances of the elements in certain stars 
—  generally found describable, in totality, as metal/ 
hydrogen —  came with the analysis of data while preparing 
the Atlas of Stellar Spectra for publication. Since that 
time, it has been shown that stars form an almost conr 
tinuous distribution of metal abundances ranging from very
9high to "normal" (solar) to very low. These are usually 
arranged, in a first approximation, into two general 
groups, called Population I and Population II. Population 
II stars were formed very early in time relative to the 
age of the Universe and have weak metal lines, while the 
rest of the stars were formed more recently, have strong 
metal lines, and are called Population I objects.
Such variations in metal abundance have been in­
corporated into the latest list of standard stars (Morgan 
and Keenan, 1973). Group abundances are represented by 
additional symbols determined by relative intensities of 
the lines or bands that reveal the composition variations. 
If the composition is "normal", or solar, the additional 
symbols are omitted. Fortunately, there are enough stars 
of roughly solar composition within the solar neighborhood 
of the galaxy to provide a comprehensive set of standards 
for all but the most luminous supergiants.
In conclusion, spectral classification, as defined in 
the MK system, consists of matching a program star most 
accurately within a two-dimensional array. This array 
consists of a finite set of discrete cells representing 
what is, in fact, a continuum. The two chosen parameters 
—  spectral class and luminosity class —  yield relative 
information concerning the two most important varying 
stellar parameters —  temperature and surface gravity, 
respectively. A third parameter, the metal to hydrogen
10
ratio —  basically incorporating differences in stellar 
age —  has been included only when deemed necessary. By 
far the majority of stellar objects so classified have 
been found to fit smoothly within this scheme. There 
exists, however, an unignorable, though small, percentage 
of stars possessing unusual, or peculiar, spectra. The 
terms "unusual" and "peculiar" are used in the sense that 
a given stellar spectrum is found not to fit wholly within 
any individual cell of the standardized two-dimensional 
array.
One such group of peculiar objects —  the helium-rich 
stars —  constitutes the general topic of this research; 
in particular, this dissertation concerns itself with a 
mode1-atmosphere fine analysis of one member of this small 
class —  HD 184927.
B. A "Normal" Stellar Helium to Hydrogen Ratio
From the results of early fine analyses of several 
late O and early B stars (y Peg, Aller and Jugaku, 1959;
£ Per, Cayrel, 1958; 10 Lac, Traving, 1957; x Sco, Aller, 
et al. 1957; x Sco, Traving, 1955) the helium to hydrogen 
ratio of normal Population I matter was estimated to be
0.15 to 0.20 by number of atoms (N(H) + N(He) = 1.00).
This value persisted for several years; however, several 
authors questioned this and suggested an appreciably 
lower ratio (Scholz, 1967; Hyland, 1967; Underhill, 1966; 
Jugaku, 1959). Recent fine analyses of main-sequence,
11
early-type stars also Indicate a lower value (Norris, 1971; 
Shipman and Strom, 1970). Scholz (1972) summarized the 
helium-abundance problem, to 1972, with the value
log eHe = 10.95 + 0.15 (5)
where
Nilog ei = log (jj-) + 12? log eR = 12 (6)
H
This corresponds to an average value of the helium to 
hydrogen ratio of 0.09. Osmer and Peterson (OP, 1974) 
quote a slightly higher value of 0.10, but well within the 
error determined by Scholz.
There exist some indications that the helium content 
of Population I objects may vary within the Galaxy 
(Peterson and Shipman, 1973? Shipman and Strom, 1969?
Walker and Hodge, 1966). Kaler (1970) has, also, found 
possible variations in the helium abundance of planetary 
nebulae of different population types. In contrast, other 
authors have found the helium abundance derived from 
spectroscopic analyses in good agreement with determina­
tions related to stellar interior models (cf. Morton,
1968) and to helium radio and optical recombination lines 
in H II regions (cf. Palmer, et al., 1969). Other 
investigations of the problem of spatial uniformity of
12
helium in the Galaxy are summarized by Danziger (1970).
The possibility of a slight variance not excluded, the 
abundance of helium in normal B-type, main-sequence stars 
appears to be nearly uniform, enough so to justify the use 
of an average value of N(He)/N(H) = 0.10. This value is 
often used for the average cosmic abundance of helium and 
will be so considered in this analysis.
A solar value, log eHe = 10.80 + 0.10 (N(He)/N(H) *
0.06) has been deduced from cosmic ray observations 
(Lambert and Warner, 1969; Lambert, 1967). Most authors 
attribute the different values to inaccuracies in measure­
ment and reduction rather than to differences in composi­
tion between the Sun and the early-type stars (cf. Hardorp 
and Scholz = HS, 1970).
C. Early-type Stellar Objects Having Abnormal 
Helium Abundances 
A relatively small percentage of early-type stars 
have been found to have abnormal helium abundances. 
Tentative classificational schemes for these helium- 
anomalous stellar objects usually include the following 
subdivisions:
1. Subdwarf B Stars (Baschek, Sargent, and Searle, 
1972; Baschek and Norris, 1970)
These stars are found among the faint blue stars at 
high galactic latitudes and some of them, at least, are 
members of the halo population. Spectroscopically, they
13
present anomalously weak helium lines compared to main- 
sequence stars of the same (B-V) and (U-B) colors. Fine 
analyses clearly show a deficiency of helium in the 
atmospheres of these subdwarfs, of which HD 4539 and HD 
205805 are standard examples. Possibly related to this 
subdivision are the high-latitude blue Bw stars of which 
Feige 86 (Sargent and Searle, 1968, 1967; Greenstein, 1960) 
is a standard example. These stars have also been shown 
to have atmospheres deficient in helium.
2. Helium-weak Stars (Schmitt, 1973; Norris, 1971; 
Jaschek, Jaschek, and Arnal, 1969; Searle and Sargent,
1964)
As indicated by their classification, these peculiar 
B stars yield a later spectral type from the He I lines 
than from the hydrogen lines. Fine analyses have shown 
that the hydrogen lines yield the most accurate results 
and that helium is truly deficient in these stars. Example 
members of this class include i Orionis B and a  Sculptoris.
3. Subdwarf o Stars (Peterson, 1969)
Fine analyses of three subdwarfs of an 0-type sub­
group whose members are characterized by strong helium and 
nitrogen lines, and weak carbon and oxygen lines, in their 
spectra yielded atmospheres that were definitely helium- 
rich. These three, prototype, members were HD 127493,
HZ 44, and BD + 25° 4655.
14
4. Hydrogen-deficient, or Helium Stars (Dinger, 1970; 
Hunger and K1inglesmith, 1969; K1inglesmith, 1967; Hack, 
1967)
These stars show very little or no hydrogen absorption
or emission, and no evidence of a dip in the continuum at
the Balmer limit. Example members include BD + 10° 2179,
HD 124448, and HD 160641. A fine analysis of BD +10° 2179
confirmed the extreme deficiency of hydrogen, yielding
almost equal amounts of helium and carbon (by mass) with
-4the hydrogen content down to 1 x 10 . For this reason,
the members of this class are often referred to as "helium- 
carbon" stars.
5. Non-classified, Helium Anomalous Stars
In addition to the above, there also exists a small 
amorphous grouping of early-type stellar objects pre­
senting helium-abundance anomalies, but not conforming to 
the above, rather tentative, classificational scheme:
(1) the helium spectrum variables such as a Centauri 
(Norris and Baschek, 1972); (2) the 3 Centauri A phenomena 
(Hardorp et al., 1968) wherein not only is helium under-
abundant but, most remarkably, helium is mainly present as
3 3 4He isotope. He /He - 4:1 by number of atoms; and (3)
the helium-rich spectroscopic binaries such as HD 181615,
HD 30353, and 8 Lyrae (Dinger, 1970; Hack, 1967). Members
of this group have apparent spectral types of late-B or
early-A, are definitely binary in nature, and have giant
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or supergiant luminosities.
6. Helium-rich Stars
These stars form the subject of this research and 
will be discussed in Section D.
D. The Helium-rich Class of Stellar Objects
There exists a small number of stellar objects of 
spectral type approximately BOV to B3V in which the 
neutral helium absorption lines are considerably stronger 
than those of normal early-B stars. The Balmer lines are, 
however, very much present and, depending on the hydrogen 
to helium ratio, can be seen out to H10 - H20. Both the 
Balmer lines and the stronger helium lines show a strong 
Stark effect (present a diffused appearance); the weaker 
lines of helium are usually sharper. The He I spectrum is 
usually well developed, and most, if not all, accessible 
lines are present. The intensity ratios do not appear to 
be abnormal. Further, there usually exists evidence, 
depending upon dispersion, of He I forbidden lines. He II 
lines are normally absent or, at most, very weak. The 
He I singlet/triplet ratios appear similar to those of 
normal B dwarfs., The Balmer/helium discontinuities, in 
inverse fashion, may or may not be prominent. As stated, 
from the general appearance of the spectrum, aside from 
the abnormal strength of the helium lines, the stars seem 
to be early-B, main-sequence, or near main-sequence, 
objects.
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The first star of this kind to be found was a  Orionis 
E (HD 37479) , and it is often referred to as the prototype 
of this class of stellar objects. Its discovery was 
announced by Berger (1956). Since this initial discovery, 
several additional stars showing similarly strong helium 
lines have been found. These stars are listed in Table I. 
In this table, Column 1 contains the star's identification; 
Columns 2, 3, and 4, the atmospheric results of either 
fine or coarse analyses. Parentheses denote the analysis 
as course; no parentheses implies a fine analysis. In 
Column 5 is given the source of the atmospheric parameters. 
If an analysis has not been performed, references to dis­
covery and/or spectrum description is indicated.
E. Known or Suspected Helium-rich Stars 
For completeness, a brief description of each of the 
stars listed in Table 1, excluding HD 184927, is given 
below.
g Ori E = HD 37479
Berger (1956) announced the great strength of the 
helium lines and the existence of a helium absorption 
discontinuity in the star g Orionis E. Greenstein and 
Wallerstein (GW, 1958) presented an illustration of the 
spectrum and demonstrated that g Ori E was a member of the 
sparse cluster system g Orionis. This system consists of 
a close pair, AB, and three companions, C, D, and E. GW
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also noted the broadness of all lines of a  Ori E, estimating 
a projected rotational velocity on the order of 200 km/sec. 
From cluster membership, they determined both an absolute 
magnitude (Mv~-2.3) and luminosity (main-sequence) for the 
star. .
A fine analysis was performed by Klinglesmith et al. 
(1970). This represented the first employment of model 
stellar-atmosphere techniques for a member of the group 
of helium-rich stars. In addition to the atmospheric 
parameters listed in Table 1, the following results were 
obtained: (1) using the photoelectric data of Hardie,
Heiser, and Tolbert (1964), an absolute magnitude,
Mv=-2.2, was determined, (2) with a bolometric correction, 
BC=-2.5, a bolometric magnitude, Mkoi55”4*7' resulted, (3) 
employing the above values, a mass and radius of M=9.8M@ 
and R=4.6R@, respectively, was calculated, and (4) a 
projected rotational velocity, v sin i=150 km sec 1 was 
estimated. The metallic abundances for all observed 
elements (C, O, Mg, and Si) were found to be approximately 
normal. They concluded that, although the mass and radius 
of a  Ori E are in fair agreement with the corresponding 
quantities for normal early B-type stars, the effective 
temperature is somewhat higher.
Later fine analyses by Lester (1972) and OP (1974) 
have not significantly altered the above results (see 
Table 1).
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HD 96446
This star is one of the brightest known helium-rich 
stars (mv = 6.67m). The helium enrichment was detected by 
Jaschek and Jaschek (1959), who gave a brief description 
of the spectrum, therein noting the well-developed He I 
spectrum including forbidden lines. A coarse analysis by 
Cowley et al. (1963) yielded N(H)/N(He)-0.4. An extensive 
list of line identifications, without equivalent widths, 
was presented by Buscombe (1965). Concerning the coud£
O
spectrograms (6.7 A/mm), Buscombe noted: "The most
striking impression ... is the large number of very sharp, 
faint absorption lines. While the weak hydrogen and prom­
inent helium lines are fairly diffuse due to the strong 
Stark effect ... the absorption lines of other ions are 
very narrow."
The first fine analysis was performed by Dufton
(1972). This, however, yielded only the effective tempera­
ture, surface gravity, helium abundance, and micro- 
turbulent velocity, vt = 5+5 km sec
A second fine analysis by Wolf (1973) resulted in 
similar atmospheric parameters. However, an abundance 
analysis found oxygen underabundant by a factor of 13 with 
respect to normal B-stars; the remaining metal abundances 
(C, N, Mg, Al, Si, S, Fe) were approximately normal. 
Employing a theoretical BC = -2.63m and an estimated 
Mv = -1.86m , Wolf obtained = -4.49. From these
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values, mass, radius, and luminosity were determined to 
be M/M0 = 7.6, R/R@ = 3.6, and log L/LQ = 3.70. Con­
cluding, Wolf observed that, although the mass of HD 96446 
was in agreement with normal B-stars, both the luminosity 
and effective temperature were low relative to the small 
radius.
HD 37017
The star HD 37017 was discovered by Morgan and Loden 
(1966) who noted its similarity to a  Ori E. A differential 
fine analysis by Lester (1972) resulted in the atmospheric 
parameters listed in Table 1. The only metal abundance 
determination possible was for carbon, which was found to 
be approximately normal (from 1 line only - C II doublet,
X 4267).
Lester also calculated a projected rotational 
velocity for the star of the same order of magnitude as 
a Ori E (v sin i « 150 km sec *").
The above results indicate that HD 37017 is very 
similar to, but less extreme than, a  Ori E. Mass and 
radius determinations (differential values) as with a  Ori 
E, yield results too small for the star's effective tempera­
ture.
It should be noted that Plaskett and Pearce (1931) 
discovered that HD 37017 was a single-lined spectroscopic 
binary; orbital elements were published by Blaauw and
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van Albada (1963). Considering this fact, Lester suggested 
mass transfer in an evolving binary star system as a 
possible mechanism available that could enhance the at­
mospheric helium abundance of an individual star.
HD 168785
HD 168785 was discovered by MacConnell et al. (1970) 
who noted its similarity to other known helium-rich stars. 
They added that its spectrum appeared "...more extreme in 
He/H strength, however, than any of these objects." Other 
visual impressions included: (1) a He I singlet/triplet
ratio similar to those of normal B dwarfs, and (2) a marked 
Stark broadening present in the diffuse series, of He 1.
A fine analysis by Dufton (1972) yielded only the 
atmospheric parameters in Table 1, together with a micro- 
turbulent velocity of 5+5 km sec
The OP (1974) fine analysis resulted in similar 
values, plus a normal abundance for carbon. In addition, 
the projected rotational velocity was estimated to be 
v sin i £ 40 km sec
HD 60344, HD 133518, CoD - 69° 1618, CoD - 46° 4639 
These four stars are from the discovery list of 
MacConnell et al. (1970); a fine analysis of all four 
objects was performed by OP (1974). In addition to the 
results listed in Table 1, the metallic abundance deter­
minations yielded: (1) for CoD - 69° 1618 and CoD - 46°
4639, normal carbon abundance, (2) for HD 133518, a normal
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C, N , Mg, and Si abundance, but an over-abundance of 0,
(3) for HD 60344, normal abundances for C, Mg, Si, and Al, 
while O and N are over-abundant.
Projected rotational velocities of v sin i £ 15 km 
sec 1 were obtained for both HD 133518 and HD 60344; 
v sin i £ 40 km sec”1, for CoD - 69° 1618 and CoD - 46° 
4639.
CoD - 69° 1618 (= CPD - 69° 2698) has been further 
analyzed by Hunger and Kaufmann (1973). Their fine 
analysis yielded similar atmospheric parameters as did 
that of OP, together with a microturbulent velocity of 
8 km sec 1. The metal abundances (C, N, O, Mg, Si, Ar,
Pe) were found to be approximately normal, except for S 
which was underabundant by a factor of 10.
A projected rotational velocity of v sin i = 36 km 
sec 1 was determined, well in agreement with the estima­
tion of OP.
From a distance determination, Mv = -l*!^ was ob-
m
tained. This, together with a theoretical BC = -3.00, 
yielded = -4^83. Utilizing these values, Hunger and
Kaufmann obtained, for CPD - 69° 2698, M/M@ = 4.5, R/R0 = 
3.1, and log L/I*@ = 3.8. They concluded that both the 
mass and radius of the star were too small for the 
luminosity.
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HD 120640 = HR 5206
Hiltner et al. (1969) first noted that HR 5206 pre­
sented spectrum pecularities similar to those of a Ori E. 
The fine analysis results by OP (1974) are presented in 
Table 1. Normal abundances were found for C, Mg, and Si.
N and O were found to be over-abundant with Al possible 
over-abundant. A projected rotational velocity v sin i <_ 
15 km sec ^ was estimated.
HDE 264111
HDE 264111 was first noted by Nassau and Stephenson 
(1965) as having abnormally strong helium lines. A 
description of the spectrum and coarse analysis was 
published, later, by Stephenson (1967). He describes the
3
spectrum as follows: "The line of He I (chiefly by 2 P -
3 1 1n D and 2 P - n D series) are unusually strong ... no
He II ... hydrogen lines are rather weak and Stark
broadened, and the Balmer discontinuity is ... indeed
insignificant." Concerning metallic lines, he notes,
"... features other than hydrogen and helium are absent or
extremely weak."
OP (1974) note that HDE 264111 has a projected rota­
tional velocity significantly in excess of 40 km sec  ^
(obtained from Greenstein, private communication).
HD 64740, W66 in NGC 6530
Similarities of these stars to a  Ori E were first 
noted by Hiltner et al. (1969) and Hiltner et al. (1965),
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respectively. No analyses, coarse or fine, are known for 
either star.
BD + 13° 3224, HD 144941
The discovery of BD + 13° J3224 was first reported by 
Berger and Greenstein (1963). Within is found only a 
qualitative description of the star's spectral features.
The conspicuous pecularities in this spectrum are: (1)
the faintness of the H lines, (2) the great strength of 
the He I lines, and (3) the absence of carbon in any stage 
of ionization and the faintness of the 0 II lines. 
Identified ions include N II (numerous, relatively strong 
lines), N III (faint), 0 II (faint), Mg II (X 4481),
Si III (relatively strong lines), Si IV (faint), and S III 
(probably present). A moderate radial velocity of + 22.0 
km/sec was determined. Due to the extreme weakness of the 
hydrogen lines and the moderately high galactic latitude 
(b*1 = + 33°) , BD + 13° 3224 should probably be better 
classified as a "helium” star. However, it is difficult 
to reconcile both the small radial velocity and the 
apparent deficiency of carbon with such a classification. 
Berger and Greenstein found a good resemblance between 
+ 13° 3224 and the faint star HZ 1 (sdO); a similarity in 
the H and He I lines between + 13° 3224 and + 10° 2179 
was also noted. It remains to be quantitatively determined 
if the star should be classified as a subdwarf, a "helium" 
star, or as an extreme extension of a "helium-rich" star.
24
HD 144941 was a member of the "helium-rich" stars 
discovered by MacConnell et al. (1970). Results of two 
fine analyses are presented in Table 1.
An abundance analysis by Hunger and Kaufmann yielded: 
(1) C and N underabundant by a factor >10 with respect to 
normal B-stars and (2) 0, Mg, Si, and Fe approximately 
normal. A projected rotational velocity of v sin i =
33 km sec”^ was determined. From calculated values of 
BC = - 2 ™ 1 5 ,  Mv = -1?84, and = -3?99, M/M@ =2.0,
R/R- = 3.9, and log L/L_ = 3.48 were obtained. Due to the 
high helium content and low mass of HD 144941, Hunger and 
Kaufmann concluded that this object would be more properly 
classified as a helium star. This, however, is somewhat 
inconsistent with the star’s relatively small galactic 
latitude (b11 = + 18°) and extreme carbon deficiency.
O
In Table 2 are listed equivalent widths (A) of 
several H and He I lines for representative normal early- 
B stars, helium-rich stars, helium stars, HD 144941 and
O
BD + 13° 3224. The progressive decrease in (A) for 
hydrogen as N(He) increases is quite evident. From Table 
2, an obvious question is whether HD 144941 and BD + 13° 
3224 belong to one of the two definite classes - helium 
and helium-rich —  or whether they would be considered as 
examples of objects that form a continuous link between 
the two classes.
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At the temperatures of the helium-rich stars the 
ratios of the helium line to hydrogen line equivalent 
widths depend almost exclusively on the helium abundance 
(see OP, 1974), and are quite insensitive to uncertainties 
in Tef£ and gravity. However, the strengths of the indi­
vidual lines are very sensitive to the gravity. In Table 
3 are listed the relative He I-4143/H6 and He I-4471/Hy*
N(He), and associated references for the helium-rich
•’v*-
stars, HD 144941 and BD + 13° 3224. These ratios are 
shown as functions of N(He) in Figure 1. One finds a 
definite grouping for the known helium-rich stars within 
which 0.2 < N(He) < 0.8. The change in N(He) with a given 
(He)/W^ (H) is, notably, approximately linear within 
this range of values of N(He). It is, therefore, presently 
advantageous to define the helium-rich class of stellar 
objects as only those objects for which this linearity is 
valid. So defining definitely excludes both HD 144941 and 
BD + 13° 3224. However, due to their transitional posi­
tions in Figure 1 (BD + 13° 3224 so extreme as to not be 
indicated), as well as their beforementioned abundance and 
galactic positional-velocity pecularities, their proper 
classification is still very questionable.
HD 135485
The helium enrichment in HD 135485 was first reported 
by Stewart (1955, 1956) who used a model atmosphere 
technique, but the reported results are conflicting. In a
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short abstract in Astronomical Journal (Stewart, 1956), a 
helium over-abundance and a magnesium under-abundance of a 
factor of ten are quoted, while other abundances are stated 
to be normal. In his thesis, Stewart (1955) deduced a 
helium number fraction of 0.11, which is quite normal for 
an early-type star; however, an enrichment of nitrogen, 
oxygen, and silicon was found. In his analysis of HD 
135485, Stewart used the weak helium-line star a Scl as a 
comparison star, and it was recently shown by Baschek
(1973) that the helium content of a Scl is precisely ten 
times smaller than normal. Therefore, it is very difficult 
to analyze the results as obtained by Stewart.
Two later fine analyses by Dufton (1973) and 
Schonberner (1973) yielded the results presented in Table 
1. The helium enrichment, from both analyses, was found 
to be small (less than a factor of two). Noting the small 
spread in N(He) in the definition of a "normal" helium 
abundance, one concludes that the helium abundance of HD 
135485 is approximately normal.
The metal abundances, however, were found to be ab­
normally high. Using microturbulent velocities of both 
O- and -5 km sec Dufton found that for all observed 
metals (C, N, O, Mg, Al, Si, S, and Fe) the logarithmic 
abundances relative to hydrogen were higher by 0.7+0.3 in 
HD 135484 than in x Cen, a normal B3V star. Schonberner 
also found a marked overabundance of the metals, namely of
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Ti (factor of 50) and of C, N, and Cr (~ factor of 10).
He concluded that the rest of the investigated elements 
(O, Mg, Al, Si, S, Ar, Ca, Fe, and Ni) were almost normal 
or slightly over-abundant. A microturbulent velocity of 
10 km sec  ^was employed in this analysis.
Mass and radius calculations by both authors yielded 
values indicating that HD 135485 lies near the zero age 
hydrogen burning main sequence. Both tentatively identified 
the star as being at an unevolved or only slightly evolved 
hydrogen burning stage. Concluding, they suggested that, 
due to the very slight helium enrichment plus the abundance 
anomalies present in HD 135485, this star should no longer 
be considered as a member of the class of helium-rich 
stars? rather, it should be considered a hot (super) metal- 
rich star.
F. HD 184927 
HD 184927 (a = 19h31™6 6 = + 31° 04' (1900)) was 
noted by Bond (1970) as an early type star that, for its 
overall spectral classification, presented anamously 
strong helium lines. Its spectrum was noted as being 
similar to the spectrum of a Orionis E. This spectral 
pecularity tentatively positioned the star among the 
above-described group of helium-rich stellar objects.
Past classifications for HD 184927 include B2 (HD 
Catalog), B2V (Guetter, 1968), and Bp (Bond, 1970).
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While it is quite clear, for example, that the helium 
stars and the subdwarfs are highly evolved objects, the 
evolutionary status of the helium-rich stars is quite un­
certain. Due to the small number of members of this rather 
inhomogeneous group of objects, together with the current 
evolutionary interest in this class, it was deemed highly 
desirable to perform a complete analysis of HD 184927 in 
order to obtain quantitative information concerning not 
only the atmospheric parameters —  effective temperature, 
surface gravity, hydrogen to helium ratio, and micro- 
turbulent velocity —  but also possible abundance pecular- 
ities, luminosity, mass, radius, and distance. These 
quantities are necessary if one is to examine possible 
evolutions for this class of stellar objects. This 
dissertation presents the results of that investigation.
The dissertation is written in six chapters. Chapter 
II presents the observational data (and reduction) for 
HD 184927. Chapter III presents the results of a pre­
liminary reconnaissance —  a coarse analysis —  of this 
star. The main objective of this initial analysis was to 
determine the extent of any helium anomaly and to decide, 
depending on the results of this determination, whether a 
detailed analysis of the stellar atmosphere was warranted. 
Results of this investigation are further given by 
Higginbotham and Lee (1973). Chapter IV gives a brief 
description of the general theory of model stellar
atmospheres; in specific, a description of the model at­
mospheres employed in this analysis is discussed in some­
what detail. Also contained in Chapter IV is a general 
discussion of present hydrogen and He I line broadening 
theories; again, emphasis is placed on the theories em­
ployed in this research. Chapter V presents the results 
of the fine analysis of HD 184927. Finally, Chapter VI 
summarizes the results and conclusions and suggests some 
future work.
CHAPTER II 
OBSERVATIONS AND REDUCTION
A. Photometric Observations: Wide-band
Wide-band photometric measurements of HD 184927 were 
available from Lee and Daigle (1972). These measurements 
were obtained utilizing the 16-inch telescopes at Kitt 
Peak National Observatory. Observations were made in both 
the UBV and UBVr systems. For completeness their nightly 
measurements of HD 184927 are listed in Table 4.
The accuracy of measurement was determined from the 
residuals for the stars selected as standards; mean resi­
duals obtained were V , 0*1*023; (B-V) , 0™019; (U-B) , 0*1*028; 
(r-V) , 0*1*023.
Regarding the possible short-term and/or long-term 
variability of HD 184927, they conclude that "the observed 
magnitudes and colors appear consistent with the assumption 
of constancy in view of the statistics of small numbers."
Averaged values, from the data in Table 4, were 
reported by Higginbotham and Lee (1973). The photoelectric 
magnitude and colors, averaged over the four nights, were 
V = 7*1*47, (B-V) = -0.170, and (U-B) = -0.810.
B. Photometric Observations: Narrow-band
Observations of HD 184927 were made during 4/5 (2 
scans) and 23/24 April (6 scans) 1973 with a low resolution 
scanning spectrometer attached to the 16-inch (40 cm)
30
31
Cassegrain telescope at the Pine Bluff Observatory at the 
University of Wisconsin (Dufour, 1973). The results of 
these observations were reported by Higginbotham, Schiffer, 
and Dufour (1974, HSD).
Several stars selected from the list of Oke (1964) 
were each observed a number of times during each night in 
order to derive the atmospheric extinction and wavelength 
sensitivity of the system. All of the stars were observed 
at 17 continuum points centered on the wavelengths cali­
brated by Oke in the XX3390-5840 region of the spectrum.
The Pine Bluff scanning spectrometer system consists 
of a grating spectrometer of the Gillieson type linked 
with a PDP - 8/L computer. A Bausch and Lomb 600 lines/mm 
grating blazed at X5000 in the first order was used with 
matched entrance and exit aperatures to give an effective
O
spectral purity and bandpass of 40A in the first order.
The data output consisted of pulse counts from a RCA 1P21 
tube operated at 900 volts and cooled to dry-ice tempera­
ture. Data acquisition and spectrometer operation were 
done automatically by the PDP - 8/L computer. The 
integration time used at each stellar continuum point was 
typically 2.5 - 5.0 seconds. A complete scan of the 17 
continuum points of a star took 50 - 90 seconds.
The atmospheric extinction and instrumental sensiti­
vity functions for each night were simultaneously deter­
mined by a least squares fit of the observations of the
5'Z
standard stars to the calibrations of Oke (1964) adjusted 
to the new absolute calibration of Vega by Oke and Schild 
(1970). The derived instrumental sensitivity for each of 
the two nights was found to be consistent with earlier 
work.
The observed continuum fluxes for HD 184927 are tabu­
lated in Tables 5 and 6. In Table 5 are listed the 
averaged fluxes for the observations of 4/5 April 1973; in 
Table 6, the averaged fluxes for the observations of 23/24 
April 1973. Columns one and two contain the observed 
central wavelengths in inverse microns and angstroms, 
respectively. In columns three and four are listed the 
observed magnitudes (mv = -2.5 log + constant) and 
associated errors. Columns five and six contain the cal­
culated flux measurements "above the atmosphere" where F
-1 -2 -1is the flux in units of ergs sec cm Hz and F^ is the
-1 -2 -1flux m  units of ergs sec cm X . Errors m  the cal­
culated fluxes are listed in column 7. All values tabu­
lated in Tables 5 and 6 are unweighted means of all ob­
servations on each night.
The agreement of the observed absolute monochromatic 
fluxes of HD 184927 between the two nights was better 
than 4% (0.02 in log F^). The variations in the absolute 
fluxes may be largely ascribed to the uncertainty and 
possible short-term variability in the atmospheric 
extinction. The mean errors in the instrumental sensitivity
33
derived for e» night were less than 3%. These considera­
tions, along with the good statistics in the pulse counts, 
indicate that the mean errors in the reported monochro­
matic fluxes of HD 184927, averaged over the two nights, 
are about 3% in Fv and about 0.02 in log F^. These final 
values are tabulated in Table 7. Columns are as defined 
in Tables 5 and 6. Values listed are unweighted means of 
all scans on both nights.
C. The Line Spectrum
The data of the spectrograms studied are given in 
Table 8. All plates were kindly made available by Dr.
Paul Lee (Louisiana State University, Baton Rouge). The 
plates of 1942, 1945, and 1955 were loaned to Dr. Lee by 
Dr. K. O. Wright (Dominion Astrophysical Observatory).
The plates of 1970 were obtained, personally, by Dr. Lee.
All the spectrograms from the Dominion Astrophysical 
Observatory were calibrated for intensity reductions by 
an auxiliary calibrating spectrograph which gave a series 
of steps differing by 0.2 dex in intensity. All Kitt Peak 
National Observatory spectrograms were calibrated by a 
spot sensitometer. Each spectrogram was traced with the 
digitized microphotometer of the University of Illinois 
Observatory, the spacing of each recorded plate trans­
mission and the analyzing slit width both being 8 microns.
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Data so obtained, employing the appropriate calibra­
tion curve, were plotted on an intensity scale by facili­
ties of the Louisiana State University Computer Research 
Center. Calibration wavelengths for each plate are listed 
in Table 9.
The location of the stellar continuum was established 
separately, but consistently, for each tracing. Regions
O
30 - 50 A apart, at high points of intensity, where no 
absorption lines were expected, were assumed to represent 
pieces of undisturbed continuous spectrum. At these 
wavelengths the continuum was drawn through the average of 
the grain.
All hydrogen and helium lines, and the stronger 
metallic lines, were rectified before measurement, thus 
establishing a constant clear to continuum ratio across 
the width of each measured line.
Profiles of hydrogen and helium features were drawn 
on each tracing independently. After rectification, the 
equivalent widths, W^, were determined by planimetery.
The blending of lines became serious on the bluer segments 
of the plates where hydrogen and helium series limits 
occur. In these cases, large segments of the spectra were 
rectified and deconvolution attempted before equivalent 
width measurement. For blends too serious for accurate 
deconvolution, if one-half of the line was fairly free 
from blending, this half was measured and the equivalent
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width was considered to be twice this value. This was 
attempted only for those lines known to be nearly or 
entirely symmetric.
All spectrograms were employed in the hydrogen and 
helium line equivalent width measurements. As expected, 
the different dispersion plates yielded different equiva­
lent widths in the sense that the equivalent widths from 
the lower dispersion plates were consistently larger than 
those from the higher dispersion plates. Internal varia­
tions in W^, for a given dispersion, were £ 5%. Equivalent
O
widths from the 18 A/mm plates were approximately 5-10%
O
larger than those from the 6.5 A/mm plates; from the 30 and
O
50 A/mm plates, approximately 10-20% larger. Highest
O
weight being given to the 6.5 A/mm plates, the final 
averaged equivalent widths represent the weighted mean of 
all measurements.
Profiles of chosen lines of hydrogen and neutral 
helium were obtained in detail because they represent 
fundamental observational data which can be compared with 
computed profiles from any model atmosphere and a theory 
of line formation. For the considered hydrogen and helium 
lines the instrumental profile of the spectrograph is 
sufficiently narrow that no correction need be made for 
instrumental distortion. These lines were Hy, H5, and He I 
AA4471, 4388, and 4143. Residual intensities were read 
from the rectified tracings at appropriate intervals in AX
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and recorded. These results are given in Table 10. Only
O
the highest dispersion plates (6.5 A/mm) were employed in 
the above determination of hydrogen and helium profiles. 
Profiles of the same line measured on different spectro­
grams were in good agreement. The differences were of the 
order of 2-4%. Because of this high internal consistency, 
values listed in Table 10 are unweighted means of the 
individual values.
The metallic lines were identified using the RMT 
(Moore 1959) and published identification lists of early- 
type normal and peculiar B stars. Only the higher disper-
O
sion plates (6.5 and 18 A/mm) were used for the line 
identifications and measurements. Equivalent widths were 
determined by planimetery for all lines. The two sets of 
plates allowed metallic line identification and measurement 
over the spectral region A3600 - X6200.
All strong, definite metallic lines were first 
identified relative to a tracing dispersion calculated 
from bracketing hydrogen and/or helium features. The 
weaker lines were then identified relative to a tracing 
dispersion established by nearby, identified, bracketing 
metallic lines. The tracing dispersion was found to be 
approximately constant for the DAO plates; however, the 
Kitt Peak plates had a slight, but continuous, dispersion- 
variance with wavelength. A line was considered to be 
present only if it was found on all of the tracings of
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spectra covering that region. Absorption features visible 
on one recording only were attributed to noise in the 
tracing and were rejected.
The weakest lines measurable on the DAO plates were 
found to have equivalent widths on the order of 10-15
O
mA, depending on the noisiness of the tracing at that
O
wavelength; the Kitt Peak plates, approximately 20-30 mA.
A comparison of the equivalent widths as measured on 
the four DAO plates indicated a variance of W < 20%; for
A *■"*
the two Kitt Peak plates, W^ £ 30%. A comparison of 
equivalent widths in the overlapping spectra region,
O O
4500A - 4900A, showed the equivalent widths of lines from 
the Kitt Peak plates to be consistently larger than those 
from the DAO plates. This increase ranged from 10-40%, 
depending on both the strength of the line and plate noise 
in the line region. This was expected because of the lower 
dispersion of the Kitt Peak plates. In the final averaging, 
internal measurements from both sets of plates were given 
equal weight; however, the DAO measurements were given 2-1 
to 5-1 weights with the Kitt Peak measurements, depending 
on the line in question.
In all measurements, if a line occurred in the wing 
of a strong hydrogen or helium line, the wing was con­
sidered as continuum. Several of the lines present in 
the spectrum of HD 184927 were blended. When only two or 
three lines contributed appreciably to the observed line
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strengths, and these component lines were recognizable, 
deconvolution of the individual components was possible.
If a blend was unresolvable, it was considered as capable 
of contributing no quantitative information in any analysis 
and was, thus, excluded from measurement.
Results of the metallic line identifications and 
measurements are given in Table 11 in columns 2 and 4, 
respectively. Indicated equivalent widths are the final 
averages obtained from the weighting system previously 
described.
CHAPTER III 
THE COARSE ANALYSIS
A. Effective Temperature Determination
Due to the spectral abnormalities present in HD 
184927 accurate classification is quite difficult, if not 
impossible, from the visual spectrum alone. However, a 
fairly accurate effective temperature determination is 
possible from the photometry (Crawford, 1958). The color 
index, (U-B)q, when corrected for interstellar reddening, 
is a good representative of the Balmer discontinuity, an 
excellent indicator of spectral type or effective tempera­
ture .
One may find (U-B)q from the observed UBV colors by 
the following iterative process. Morgan and Harris (1956) 
observed that, for B type stars, the intrinsic colors are 
in a constant ratio:
(B—V)Q =0.27 (U-B)Q (7)
By use of the data given by Hiltner and Johnson (1956) for 
the O stars and by Hiltner (1956) for the B stars, Crawford 
obtained, from the main-sequence stars, supergiants, and 
O stars, the following ratio of the color excesses
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IC'B-V) = °*70 + 0,06 E B^"V> <8>
Only those stars with normal spectra were used in deter­
mining Equation (5).
The process of calculating (U-B)q proceeds by 
successive approximations. One first assumes that
= ° - 7 0  ( 9 >
Combining Equations (7) and (9) implies that
(U-B) = 1.233 (U-B) - 0.862 (B-V) (10)
Using the measured values —  (U-B) = -0.810 and (B-V) = 
-0.170 —  Equation (10) becomes (U-B)0 = -0.852. There­
fore, Equation (7) becomes (B-V)q = -0.230. The first 
estimate of the color excess, E(B-V), is then E(B-V) = 
(-0.170) - (-0.230) = + 0.060.
With this new value of E(B-V), one then redetermines 
E(U-B)/E(B-V) utilizing Equation (8). In this case
ln ? -w = °-70 + (0*06) (0*06)
= 0 .7 0  (11)
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Since convergence has been obtained in the first itera­
tion, the process need not be repeated. Concluding the 
results, the intrinsic colors are given by (U-B)Q =
-0.852 and (B-V)q = -0.230.
It should be noted that the assumption of a normal 
helium to hydrogen ratio is implicitly contained in the 
above. This is seen in Equation (7) where the constant 
ratio of intrinsic colors has been determined only from 
those B stars having normal abundances. The change in 
the value of this proportionality constant with reasonable 
helium enrichment should not, however, be drastic and 
the overall effect of a higher than normal helium to 
hydrogen ratio on this method of determining intrinsic 
colors should, in a first approximation, be negligible. 
Similar conclusions were reached concerning possible 
changes in Equation (8) with helium enrichment. Since (1) 
the hydrogen-helium spectrum of HD 184927 is similar in 
appearance to the hydrogen-helium spectra of HD 96446,
HD 37017, and HD 37479, (2) all four stars have known UBV 
photometry, and (3) the latter three stars have known 
effective temperatures (from fine analyses), it was 
decided to plot all four on the standard color-color 
diagram. The three latter stars were first corrected for 
interstellar reddening via the method employed for HD 
184927. Results are given in Table 12. In Figure 2 is 
given a segment of the two-color plot as obtained by
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Schild, Peterson, and Oke (1971, SPO). The positions of 
the four above stars are also indicated in the figure.
A color-color diagram is constructed assuming, again, 
a normal helium to hydrogen ratio. Thus, one would expect 
some deviation in the placement of a helium enriched 
stellar object from the line representating stars of normal 
abundance. This deviation should be dependent on the 
amount of helium enrichment within a given stellar at­
mosphere. While a higher helium content has little effect 
on the (B-V)-value, it will shift the (U-B)-value to a 
more negative value (see Klinglesmith et al. 1970).
In Table 13 are listed the (color, effective tempera­
ture) relationships as derived by Morton and Adams (1968) , 
Hyland (1969) and SPO. The agreement of these temperature 
scales is remarkably good over the considered range. 
Approximate temperatures derived from Table 13 are given 
in Figure 2 for various points in the color-color plot. 
Values of effective temperature obtained from the UBV 
colors from Figure 2 and Table 13 are compared with the 
corresponding values obtained from fine analyses, for HD 
96446, HD 37017, and HD 37479, in Table 14. In arriving 
at a temperature from the colors, each star was extra­
polated back to the two-color line for normal-abundance 
objects. A representative change in colors with helium 
enrichment, obtained from the theoretical calculations by 
Klinglesmith et al. (1970) is shown in Figure 2. A similar
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change was approximated for each of the analyzed stars; 
this change is represented by the dashed line in Figure 
2. From Table 14, one concludes that the effective 
temperature, as derived from a fine analysis, is con­
sistently 2500 °K to 3500 °K higher than the corresponding 
value as obtained from a (color, effective temperature) 
relationship.
The color temperature for HD 184927, from Figure 2 is 
18,500 °K to 19,500 °K. From the results of Table 14, it 
was concluded that a more accurate estimate of the 
effective temperature would be = 22,000 °K + 1,000 °K.
This effective temperature was chosen as the value to be 
employed in the coarse analysis of HD 184927.
B. The Helium to Hydrogen Ratio
The helium to hydrogen ratio has been determined by 
a method proposed by Unsold (1941, 1955). One assumes that 
the helium and hydrogen lines, and continuous absorption 
at a series limit, are formed in an "optically thin" 
layer. Lines formed in such a region lie on the linear 
portion of the curve of growth. Thus, the equivalent 
widths of these lines are independent of the line-broaden­
ing mechanism and are directly proportional to the number
of absorbing atoms "above the photosphere."
2If N(A) is the number of atoms per cm in the lower 
state of the transition and A is the element in question,
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the equivalent width of the absorption line, W^, is given 
by the expression
Wx = .-fel  X2 fN(A) (cm) (12)
m c e
which, for computational convenience, is written as
log N(A) = 17.05 + log (mA) - 2 log X(A) - log f
(13)
Equation (12) is obtained directly from the theory of the 
curve of growth. Quantities employed in the reduction to 
Equation (13) were
e = electron charge = 4.80 x lo"*1® esu
—28m = electron mass = 9.11 x 10 g e
c = velocity of light = 3.00 x 10^® cm/s 
and f is the oscillator strength of the line in question.
O O
(mA) and X(A) denote that the measurements of equivalent 
widths and central line wavelengths should be in milli- 
angstroms and angstroms, respectively.
Although this approximation fails for the earlier 
members of a given series, it becomes more nearly valid 
as one approaches the series limit. However, as one
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approaches a series limit, member lines of the given series 
begin to overlap. One, therefore, plots the values of N 
(A), computed from Equation (13), for the principal quantum 
numbers of each of the upper levels and extrapolates to 
the asymptotic value of log N(A). The Balmer lines and 
the five series of neutral helium prominent in the spectrum 
of HD 184927 were treated individually using Equation 
(13). However, the Boltzmann corrections were included 
in the final determination of log N(A) for each of the 
series of He I, thus reducing the five series to the
3
equivalent 2 P level. The Boltzmann corrections,
A log N(Aij), were calculated utilizing
A log N(Aij) = log [ —i 10
9-5
(14)
i
where
(1) the subscripts i and j refer to the level to be
3reduced and the 2 P level, respectxvely
(2) gj are the statistical weights of level i and
j, respectively
(3) Xj are the excitation potentials of levels i
and j, respectively
(4) 0 = 5040/T; T = effective temperature
and
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log N(Ai? reduced) = log N(A^) + A log N(A^j)
(15)
These corrections were found to be small and non-sensitive 
to any but large errors in the effective temperature.
Using T = 22,000 °K, one obtains a correction of +0.54 for 
the 2 ^  level and +0.88 for the 2^S level.
The f-values for hydrogen have been taken from Wiese 
et al. (1966) and for helium, from Hill (1965) and Wiese 
et al. (1966).
In Tables 15 and 16 are summarized the reduced results 
which are also shown in Figure 3. The principal quantum 
number, n, and the wavelength, X, are given in the first 
two columns of each table. The third column contains the 
unweighted average equivalent width in angstroms? the 
fourth column, the f-value. In the last column is listed 
the calculated value of log N(A). The extrapolated value 
for log N(HI, n=2) is 15.90. The asymptotic values of 
log N(A) for the reduced five series of He I are listed 
in Table 17 together with the weight given to each level. 
Weights were assigned primarily on the estimated accuracy 
of a given extrapolation. The weighted mean value for 
log N(He I, 23P) is 16.00.
The error in the above measurements, for both hydro­
gen and helium, was found to be approximately +0.20 in
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log N(A), considering the uncertainty in the extrapolation.
The electron-density can be determined from the 
Inglis-Teller relation.
log 2 Ne = 23.26 - 7.5 log n (16)
where n is the last resolvable Balmer line and N is thee
_3
electron density (electrons cm ). None of the metallic 
lines in the spectra examined appeared to be rotationally 
broadened. Therefore, stellar rotation should contribute 
a negligible contribution, compared to Stark broadening, 
to the "smearing out" of the higher quantum number Balmer 
lines. H 15 was clearly visible on all plates while H 16 
was blended with He I, X3705. No further lines of hydro­
gen were visible. From Equation (16), using n = 16, one
obtains log N = 13.93. ^ e
_2
The electron pressure, Pg (dynes cm ), is calculated
from
P = N K T (17)e e
where K (Boltzmann constant) = 1.38 x 10 erg deg .
Using T = 22,000 °K, one obtains log Pg = 2.41. Estimating
3
an error in n of +1 and m  T of +10 °K indicates a 
maximal error in log Pfi of approximately 0.3, the error 
being, by far, most sensitive on the correct choice of n.
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Boltzmann's law expresses the fraction of atoms in 
the j-th level of an atom in terms of the total number 
in the i-th stage of ionization
4 f  = 0TTtT  exp 1 'Xi,j/KT 1 (18)
where x  ^ j t i^e excitation energy of level j above the
ground level, g. . is the statistical weight of the level,
1 ! J
and (T) is the ionic partition function
(19)U,(T) = Z g. . exp [ -x . ./KT ] 
-1- j i r j  J - r J
Saha's equation is
N. , (2ir m KT)3/2 2U. (T) -X ./KT
Y Ne  j?------------ 07757-  e (20)
where N . and N ... are the number of atoms in the i-th and 
i l+l
(i+l)-st stages of ionization, respectively, and x  ^is
the energy necessary to ionize the atom from the i-th
stage of ionization to the (i+l)-st stage. Except for
—27Planck's constant, h = 6.62(6) x 10 erg sec, all other 
quantities have been previously defined. In computational 
form Equation (20) becomes
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log = - — 12. i + 2.5 log T -0.48
i
2U (T)
+ !°g - y,jT) - log £>e (2D
Here 1^ denotes the ionization potential, x^r in electron 
volts.
Utilizing Equation (21), one finds that H+/H° - 
10^ - 10^, He+/He° - 102, and He++/He+ - 10”'* (using the 
above average values of T and log P ). Virtually all of 
the hydrogen in the atmosphere is ionized, and most of the 
helium is singly ionized. This conclusion remains valid 
even if the electron pressure and effective temperature 
are moderately in error.
Expressing x in electron volts, Boltzmann's formula 
may be written
109  V  = -  T *  Xi.J + 109  0 7&  (22)1 J 1
Combining Equations (21) and (22) , one finds that
Ni+1 5040 , , 5 ,
109 N T T  T ~  (Ii ’ Xi,j> + 2 109 T
1 * 3
2Ui+l-0.48 - log Pe + log — (23)
gif j
From Equation (23), it follows that
and
log = - §040 [ i (Re) - x(23P) ]
N (2 P)
+ | log T -0.48 - log + log 2u(He >
z e g(2 p)
(24)
N(H+) _ 5040 r T/TTX /rt ,
log n T oT T T  T—  [ I(H) “ (0'2) ]
+ | log T -0.48 - log P£ f log
(25)
Subtracting Equations (24) and (25) yields
log ^ 1 -  = log N-(.P^ 2> - {[ 1(H) - X(0,2) ]
N(He ) N (2 P)
- [ I(He) - x (23P) ]}
. 2U(H+) n 2U(He+)
+ log T ( 07T) - log <26>
Since most of the hydrogen and helium exist as singly 
ionized ions, one is permitted to make the approximation
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Employing the approximation of Equation (27), and in­
corporating known constants, Equation (26) becomes
109 S T B T  “ log •°-22 6 + 0 -25 (28)
where
0 = 5040/T (29)
3
Using the asymptotic results, log N(2 P) = 16.00 and 
log N (0,2) = 15.90, with T = 22,000 °K, yields
109 Itht1  = °-30! I t b t - = 2 -°° (30)
The uncertainty in the temperature introduces a much 
smaller uncertainty in the final abundance ratio than does
3
the extrapolation procedure for log N(2 P) and log N(0,2).
3
Allowing an extrapolation error of +0.2 in both log N(2 P) 
and N (0,2) introduces a standard deviation in log[N(He)/
N(H)] of approximately 0.3? the coarse analysis, therefore, 
yields
N(He)/N(H) = 2 ** (sd) (31)
A normal value of N(He)/N(H) is approximately 0.1? there­
fore, although HD 184927 is definitely a helium-rich star,
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the coarse analysis shows that it is not, by any means, an 
extreme example of this class of stellar objects.
C. Determination of Surface Gravity 
Unsold (1941) has given an expression relating the 
total gas pressure, Pg, at the "base of the atmosphere" 
to the effective surface gravity, g:
Pg = g Z N (A) yA (32)
where yA is the atomic weight of each element and is
the mass of unit atomic weight in e.g.s. units. UnsSld
(1955) has also obtained a relation between the mean gas
pressure within the line forming region, <P >, and electron
9
pressure, PQ:
<pg>/pe = ¥  (33)
where E is the effective number of electrons per atom. 
Using the approximation
P s 2<P > (34)g g v 1
and noting that, at T = 22,000 °K,
<Pg> “ 2 Pe (35)
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one obtains
4 Pe = g E N(A) yA (36)
In Equations (32) and (36), E N(A) yA denotes a summation 
over all elements. Approximating only hydrogen and 
helium as contributors to the summation, and again 
employing the Saha-Boltzmann equations to calculate 
log N(H) = 22.46 and log N(He) = 22.76, one obtains
log g = 3.4 (cm sec-2) (37)
This value of surface gravity is affected not only 
by the rather large uncertainties in log Pq and log N(A) 
but also by inadequacies of the theory; comparatively, a
3
AT uncertainty of +10 °K is ignorable. The error in 
log g is estimated to be approximately +0.6.
CHAPTER IV
MODEL STELLAR ATMOSPHERES AND LINE PROFILE CALCULATIONS
A. Model Stellar Atmospheres - Qualitative 
In order to understand stellar atmospheres one must 
have models with which to compare observed stellar 
spectra. This implies that a numerical analogue of a 
stellar atmosphere is required from which the theoretical 
spectrum may be predicted. From the physical theory of 
the interaction between matter and radiation one is, 
therefore, obligated to compute the spectrum of a gas 
under assigned physical conditions assumed as representa­
tive of the conditions in a stellar atmosphere.
The construction of a model atmosphere, thus, requires 
that (1) one must be able to write down a mathematical 
description of all physical interactions occurring at 
every point within the gas, and (2) one must be capable of 
solving the resulting mathematical equations with suffi­
cient accuracy as to justify the complexities of the 
theoretical description. Once such a numerically para­
meterized model atmosphere has been constructed, it must 
then be shown capable of representing a true stellar at­
mosphere, i.e., it must satisfy certain necessary physical 
conditions known or assumed to exist in real stellar at­
mospheres. From this numerical model, one must then be
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capable of predicting the theoretical spectrum in detail. 
If the above physical stipulations are fulfilled and the 
computed spectrum matches an observed stellar spectrum, 
one concludes that the model represents a true stellar 
atmosphere.
Due to the mathematical and physical complexity of 
the generalized situation, several assumptions and ap­
proximations are normally made to simplify the problem. 
These include the following:
1. The star is assumed to be spherically symmetric 
and the physical thickness of the atmosphere is 
assumed to be small compared to the radius. The 
atmosphere can then be represented by a plane 
parallel slab of gas whose optical depth is 
infinite.
2. Since the physical thickness of the atmosphere is 
small compared to the radius of the star, the 
acceleration due to gravity can be taken as con­
stant, and given by
with G and M the mass and radius of the star. G 
is the constant of gravitational acceleration.
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3. The atmosphere is in a steady state such that
for any parameter f defining the model atmosphere.
4. The atmosphere is considered homogeneous except 
in the normal direction.
5. Known solar phenomena, assumed common in all 
stellar objects, such as cells, flares, spicules, 
magnetic fields, etc., are ignored.
6. Hydrostatic equilibrium is assumed demanding a 
balance between the gravitational forces tending 
to collapse the star and the pressure tending to 
expand the star.
dP = -gp dr (40)
where P is the total pressure
P = P + P , (41)gas rad
p is the mass density, and r is the distance 
measured upward. In Equation (41) Pgas is the 
kinetic gas pressure; Prad» the radiation 
pressure.
The flux of energy is constant with depth in the 
atmosphere. This implies that no energy is
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generated or absorbed within the atmosphere. All 
energy sources are assumed to lie far below the 
atmosphere (no energy entering the atmosphere 
from above), and the energy is assumed to flow 
continuously and smoothly from the bottom of the 
atmosphere outward. This flux constancy demands 
that the total flux (integrated over frequency) 
be constant at each depth,
F(to) =|Fv (xo)dv = constant (42)
where the "standard optical depth", 'x , is related
to the physical depth, r, by
dxQ = -koP dr (43)
where k =< (T, P ,{A.}) is some mean value overo o gas x
the frequency, v, of the monochromatic absorption 
coefficient per gram, k .^ It is through = 
k^(T, Pgas,{ A^)) that the abundance parameters, 
{A^} enter the problem. The flux is usually 
specified by an effective temperature, such
that
irF(xo) = T*ff a (43)
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—5where a = Stefan's constant = 5.6697*10 .
8. The atomic abundances, {A^}, are specified, and 
assumed constant throughout the atmosphere.
Although the above simplifications to the general 
problem reduce the theoretical and numerical difficulties 
considerably, one still must consider the question of 
energy transport through the atmosphere. Three possi­
bilities exist —  radiative transport, convection, and 
conduction. The latter mode is normally considered 
ignorable in stellar atmospheres. However, if the radia­
tive gradient, (-dT/dr)ra^ is greater than the adiabatic 
gradient (-dT/dr)a<j, the stellar gas is convectively un­
stable and convection can carry energy by moving hot gas 
elements into cooler regions. This may be written
dT dT
a? ad 3r rad
This criterion is often referred to as the Schwarzschild 
test for convective instability. It should be noted that 
the seventh assumption above implicitly implies a condition 
of radiative equilibrium, i.e., all energy is transported 
by radiation. Once a model atmosphere has been computed 
on the assumption of strict radiative equilibrium, the 
application of the Schwarzschild criterion to test its 
stability against convection is a straightforward procedure.
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In most atmospheres the mechanism transporting the 
energy outward toward the stellar surface may be shown to 
be predominantly radiative. This predominance increases 
as Tef£ increases (assuming a normal range in the surface 
gravity) and at type B, the subject of this analysis, 
radiative transport can be shown to be the sole mode of 
energy transport.
A model atmosphere is defined by three parameters: 
irF, or as defined by Equation (43) , Teff > the acceleration 
due to gravity, g, and the chemical composition, {A^}.
With these given parameters, the equation determining the 
temperature —  pressure structure in the atmosphere is 
the equation of hydrostatic equilibrium.
The process of actually calculating a model stellar 
atmosphere is iterative and, in general, consists of the 
following steps:
1. One employs the above assumptions and specifies
a set of variables, (Teff# 1°9 9# (A^}) describing 
the chosen model.
2. An initial temperature-optical depth relation is 
assumed from which the pressure, opacity, and 
number densities at each optical depth are 
determined.
3. The radiation field is then calculated and tested 
for convective instability.
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4. The total flux is determined and compared with
the prescribed constant flux (as regulated by
the input parameters). If these two quantities
are not equal, as is generally the case, the 
temperature structure is varied at each optical 
depth utilizing some chosen "temperature-correc­
tion" method.
5. Steps 2 through 4 are repeated with successive 
temperature-optical depth relations until the 
total flux is constant to within some chosen 
error.
B. Model Stellar Atmospheres - Quantitative
Consider a beam of photons of frequency v passing 
through an atmosphere. Let Nv (to) be the number density at 
frequency v per unit solid angle. Let n and m denote 
lower and upper energy levels of any transition. Then the
change in Nv (to) due to absorbing, emitting, and scattering
elements (3toms, ions, molecules, etc.) is given by
-N^ fto) I [a (m-»-n) ] n(m)
+N^ (to) E [a (n-»-m) ] n (n)
dN (to)
— —  = -N (w) E [s(m-*-n)] n(m) dt v
+ E [e(n-*m)] n(n)
+ E [e ' M ) ]  n(n) (45)
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where a, s, e, e' denote the absorption coefficient, 
scattering coefficient, emission coefficient, and 
scattering emission coefficient, respectively. Number 
densities in the lower and upper levels (or in an energy 
interval dE corresponding to the frequency interval hdv 
for unbound states) are denoted by n(n) and n(m).
In model stellar atmospheres the scattering emission 
is usually considered isotropic. The scattering rates 
are also assumed to be slowly varying functions of frequency 
implying equality for the scattering and scattering emission 
rates.
Introducing the intensity, Iv (tii), (in units of energy
-1 -1 . -1 „ -1, area sec ster Hz )
Iv (w) = chv Nv (w) (46)
and noting that
(47)
where z is the direction of the intensity beam implies 
that Equation (45) may be written
+ [E n(m) e (m->-n) + E n(n) s (n-«n)v v 1 3V 4 7T
The source function, S , is defined by
= {E n(m) (m-*n) + e n(n) s^ (n->m)
(48)
I , } /{E n(n) a (n+m)V 4tT V
E n(m) (m-»-n) + E n(n) s^ (n-*m) } (49)
The transition rates must be proportional to the 
number of final states available implying that one may 
write
a (n-»-m) a (m->n) v _ v
g(m) g (n) (50)
where the g8s denote the statistical weights of a given 
level.
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It also may be shown that
, . e (m->-n) 3g(m) v' _ 2hv
g W  ov (n-*-m)" " <51>
The source function then becomes
S = {E n (n) a (n+m) [1 - 2^ 512- ] £hvf.v  ^ ' n(n) g(m) J 2
c
r n (n) g (m) ^,-i l r, _ ,_N _ ,___ , f T dw ,
[ H W  gTnT ~ 1 ] Z n (n )  sv <n- m> j 1 ^jjr >
/  f l n ( n )  a y (n-HQ) t l  -  | g > .  |< £ > - J
+ E n(n) sv (n-»»m)} (52)
The mass absorption coefficients, or opacities, are 
defined as follows:
k (n+m) = n(n) a <n-m> 1-1" W/n(n) ] [g (n)/g(m ) j
V  V  p
= E (n-*m) (53)
n (n) s (n-nm) 
a (n->m) = ----- - -----
a = E a (n->m) (54)v v
With Equations (53) and (54), Equation (52) becomes
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_ Z Sv (m-n) + «v | ^
Sv = ----------------   (55)
where
o /„._x _ 2hv3 r n(n) g(m) ,,-1Sv (in-n) - - j -  [ -j-j. -1) (56)
and the transfer equation may be written
? H  “ (W  ‘W  <57>
The monochromatic optical depth, dx^, along the 
beam of intensity, is defined by
dxv = (Kv+av)p ldZl *58)
A plane parallel atmosphere approximation
z - d b ?  (59)
and
= r
u
a, = (60)
y
yields
65
d T v = - < V av )p dr
t : O-*00
V: (61)
The final form of the transfer equation is, thus, given 
by
11 af^ = xv - sv <62>
The above derivation of the familiar radiative trans­
fer equation follows closely that given by Kurucz (1970).
The specification of the source function yields Iv, 
the general solution being
Iv Tv t
I = -e“ f S e “' —  (63)
v I v y
const
Two cases must be considered:
(1) y < 0 —  boundary condition is no incident
radiation at t = 0
v
% (t~y
[ = - f sV J V e K 2 £  (64)
0
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(2) y > 0 —  boundary condition is that the intensity 
contribution from infinity is zero
(t-Tv)
•" * f- (65)
One usually defines the intensity moments by
Jv = mean intensity
=  1 vr < 6 6 >
such that the integrated intensity is 4tt J^ ,
Hv = flux
= I •* w  (67)
and
4 7T
such that ~  k v is the monochromatic radiation pressure, 
Noting that dw = -2Tr dy implies
Jv = 7 I (68)
■ *  c
- i f 1 2 J - iHv = 2 , 11 Jv dv <69)
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■ } r.- 5  I , du m i-1
Using Equations (66) through (68) implies 
d I v
y = ~ sv <71>
dHv
d x ^  = J v “  sv <7 2 >
dKv
- Hv (73)
where
Z k (n+m) S (m-»-n)+a J 
SV ■ —  KV ------- —  (74'
Introducing the exponential integral
1 xf
_ d y = j  e
1 y 0
.o° -Xy
!n (x) " j  ^  dy " JE (x) = I d  = I  y yn~z dy (75)
the intensity moments, as functions of the source function, 
become
V V  ■ I f %  dt + \  f  SV V ^ V  dt
0 Tv
(76)
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0 lv
(77)
v
(78)
In a numerical calculation of the radiation field, 
assuming the opacities are known (to be discussed later), 
one first numerically integrates Equation (61). The source 
function, mean intensity, flux, and specific intensity can 
then be numerically determined. Numerical methods are 
described throughout the literature (e.g. Kurucz, 1970) 
and will not be discussed here. One, thus, obtains
At this point, frequency integrals over flux (Equation 
(42)) and mean intensity can be computed. These quantities 
are necessary for the chosen temperature-correction 
scheme, the determination of radiation pressure
and for photoionization rates. Again, the subtleties 
involved in these numerical calculations will not be
(79)
69
discussed since numerous methods exist and are amply 
discussed in the post - 1960 astrophysical literature (see 
the First, Second, or Third Harvard-Smithsonian Con­
ferences on Stellar Atmospheres or Kurucz, 1970).
It is often convenient to describe a model atmosphere 
in terms of a mean optical depth (see Equation (43)). 
Various possibilities exist (Planck, Rosseland, Chandra­
sekhar; see Aller, 1963). The equation of hydrostatic 
equilibrium is then solved initially in terms of this 
mean optical depth (tq). In the opacity calculations a 
standard monochromatic mass absorption coefficient kv (tq ) , 
depending also on Pgas* is obtained. With the mono­
chromatic mass absorption coefficient, the standard mass 
absorption coefficient and the standard optical depth, it 
is possible to compute the monochromatic optical depth
Then all quantities are calculated as previously described 
but the calculations are now normalized, and thus compu­
tationally easily repeatable, such that
tv (tq) from
T
(80)
(81)
Finally, in most main sequence or near main sequence 
stars (or stellar models) an additional approximation is 
added: local thermodynamic equilibrium (LTE). This
assumes that the densities throughout the atmospheres are 
high enough for collision rates to maintain thermal equi­
librium in the level populations. The number densities 
are then calculable via the Boltzmann and Saha equations, 
and the source function becomes
S (82)
where the Planck function, B^, is given by
hv/KT 1)
-1 (83)
Since the integration variable above has been chosen 
to be r, or t0* it is normal to write the equation of 
hydrostatic equilibrium as
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Summarizing, the quantitative procedure used to solve 
these equations is as follows:
(1) One assumes a temperature distribution and then 
solves Equation (84) numerically to obtain the 
gas pressure Pgas T^0)»
(2) With the given temperature distribution, and 
assuming LTE, the level populations are deter­
mined as well as the standard monochromatic mass 
absorption coefficient KV (T0)»
(3) With Equation (80), TV (TQ) is determined.
(4) Knowing the monochromatic optical depths and the 
mass absorption coefficients, it is then possible 
to solve for the monochromatic source function 
Sv (tv (to)) via the integral equation defined by 
Equation (74) or Equation (82) for the case of 
LTE) and Equation (76), with appropriate modifi­
cations to all equations standardizing to an 
average optical depth, x .
(5) With the monochromatic source function, one can 
calculate the monochromatic mean intensity 
Jv (xv (xQ)) from Equation (76).
(6) Having the monochromatic source function, one can 
also calculate the monochromatic net flux 
Fv (xv (x0)) from Equation (77).
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(7) Equation (42) can now be computed and compared 
with the desired constant flux value at each 
depth.
(8) A temperature-correction scheme is employed if 
constancy of flux is not achieved within a 
desired accuracy, and the entire process is 
repeated until a satisfactory degree of flux 
constancy is achieved.
Methods of temperature-correction will not be con­
sidered in this dissertation. References to various 
proven methods will be found in Kurucz (1970), Bohm- 
Vitense (1964) , Lucy (1964, 1962), and Avrett and Krook
(1963).
The dominant sources of opacity in an early stellar 
atmosphere are the photoionization of atoms from discrete 
energy levels, the photodissociation of negative ions, and 
electron scattering. In later stellar atmospheres, these 
sources lessen in dominance, and other sources become 
increasingly important. For completeness, the majority of 
possibilities are listed below. Expressions and/or 
approximations for each may be found in Kurucz (1970).
(1) HI bound-free and free-free
(2) Hj bound-free and free-free
(3) H~ bound-free and free-free
(4) HI Rayleigh scattering
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(5) He I bound-free and free-free
(6) He II bound-free and free-free
(7) He” free-free (no bound state)
(8) He I Rayleigh scattering
(9) Cl, Mgl, All, and Sil bound-free and free-free
(10) Sill, Mgll, Call, NI, and 01 bound-free and 
free-free (intermediate-temperature, 104 °K <
T 2.104 °K, absorbers)
(11) CII - IV, Nil - V, Oil - VI, and Ne I - VI 
bound-free for frequencies > Lyman limit of 
hydrogen (high-temperature absorbers)
(12) electron scattering
(13) H2 Rayleigh scattering
(14) HI lines (line blanketing, Lyman and Balmer)
C. Line Profile Calculations - General
Of the data obtainable from stellar atmospheres, one 
of the most important is the equivalent widths or profiles 
of the spectral lines. In order to interpret these ob­
servations, one must know (a) the transition probability 
for each analyzed line (f - or A - value) and (b) the 
quantitative nature of the line broadening.
The Ladenburg f values (or the Einstein A coeffi­
cients) are reasonably well known for most astrophysically 
important lines (with some notable exceptions). A good 
theoretical discussion of the determination of these
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values may be found in Aller (1963). This section will 
consider only the broadening mechanisms important in the 
formation of stellar spectral lines.
The intensity of a stellar absorption line is clearly 
proportional to the effective number of atoms, Nf, acting 
to produce it. When the number of atoms is small (very 
weak lines), the amount of energy subtracted from the 
continuum is small and the equivalent width of the line,
W,
varies as Nf. However, as Nf increases, the energy sub­
tracted in the line core is depleted and further absorp­
tion has to take place in the wings. Thus, the total 
amount of energy subtracted from the continuum radiation 
will depend upon how much energy the atoms can absorb at 
large distances from the line center. This is determined 
by the dependence of the absorption coefficient on the 
distance AA from AA=0. Thus, in the determination of 
line profiles and/or equivalent widths, one must initially 
consider the sources of line broadening and their influence 
on the absorption coefficient.
Stellar absorption lines are intrinsically broadened 
by the following causes:
(86)
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1. Doppler effect resulting from the random kinetic 
motions of atoms.
2. Radiation damping, a consequence of the finite 
lifetimes of the excited levels.
3. Collisional broadening (discussed below).
4. Hyperfine structure.
5. Zeeman effect due to existing magnetic fields.
Extrinsic courses of line broadening include:
1. Stellar rotation.
2. Atmospheric expansion and contractions.
3. Large-scale atmospheric convection.
There exist several distinct collisional broadening 
mechanisms of varying importance in problems of astro- 
physical interest:
1. Self-broadening, i.e., collisions of a radiating 
atom with a neutral atom of the same kind.
2. Collisions of the radiating atom with neutral
particles of another element.
3. Perturbations by rapidly moving electrons.
4. Perturbations by static ion fields - Stark effect,
either linear or quadratic.
It should be noted that two or more sources of 
collisional line broadening may operate simultaneously.
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Except for the lines of hydrogen and helium (to be 
considered later), spectral lines are widened by Doppler 
broadening, natural broadening and collisional broadening 
in accordance with the impact theory. This collisional 
broadening includes perturbations by neutral atoms and 
electrons. Collisional broadening by neutral atoms may be 
approximated by a suitably determined collisional damping 
constant. Various methods of approximation are reviewed 
in Aller (1963), Jefferies (1968), Mihalas (1970), and 
Cowley (1970). Perturbations by collisions with electrons, 
however, are much more difficult to mathematically con­
struct. The electron collisions may cause phase shifts 
(adiabatic impact theory) or transitions between close- 
lying levels (inelastic collisions corresponding to non- 
adiabatic processes) (Griem et. al., 1962). Herein, it 
will be assumed that all collisions have been suitably 
accounted for and are describable in toto, by the function
rcoll’
D. Line Profile Calculations - Quantitative
Consider the line absorption coefficient for combined 
Doppler, natural, and collisional broadening. The ab­
sorption coefficient for an atom moving with velocity v 
toward an observer is given by
“ V  = 5 ^ f  ft l « * o  +  lvo - v »2 + 4 > 2 1 < 8 7 >4ir
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where the line is centered on the frequency v '
v ' * vo + £ vo <88>
The number of atoms moving in a velocity range v to v+dv 
is given by Maxwell's equation for velocities
2
"7 _ Mv
dN = N e *** &  tS9)
where M = AMq is the mass of the atom in question and A 
and Mq are the atomic weight of the atom and mass of an 
atom of unit atomic weight, respectively.
Multiplying Equation (87) by Equation (89) and then
integrating over all velocities yields the total absorption
coefficient per atom in unit frequency interval at:
) ~i -+°o J m _ 51?
v  W :ot — f —• y [  y     . dv
4 tv  ^ v 2 T 2-a, (v + ¥• v - v ) ^  + (4—) o c o  '■ 4rr
(90)
Let
v r 
Av = —  Jo c “N 2KTM
voAv = —  v 
c
(91)
(92)
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implying
dv = ~- d (Av ) (93)
o
Define
y = 23- ' 04)
O
v-v
“ = (95)
o
{' = 5 ?  <96>
a _ tv-  (97)o
where T is called the effective damping constant.
Employing Equations (91) through (97)r Equation (90) 
may be written
av dv “ ^mc' ' H(a'u) dv (98)o
where the Harris function, H(a,u), is defined by
a
H(a,u) = ~  (99)
o
and, aQ, the absorption coefficient at the line center for
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zero damping is given by
a = f -JL- i—  (100)
° 1,10 ^
The functional form of the Harris function is, thus,
+oo 2
a a f -y
dy (101)
(u-y)
^
“v _ a f e'y
%  - f  J „aT + ')2
Harris (1949) tabulates values of Hq, H^, etc. con­
sidering Equation (101) as
a
~  = Hq (u) + aH1 (u) + a H2 (u) + ...
More complete tables are given by Finn and Mugglestone
(1964).
When both radiation damping and collisional damping 
(or broadening) occur, Equation (96) becomes
4 ‘ "  6 1  +  * 2  "  T n r  +  ^  < 1 < » >
where Tcol^ is the number of damping collisions sec”1.
For a given energy structure, for a transition n to m, the 
radiation damping constant, r ^ is given by
rrad = rn + rm <103>
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where
-hv/KTj-1
hv/KT (104)
and Tm is correspondingly defined.
The line absorption coefficient per gram of stellar 
material corrected for stimulated emission may then be 
written’
material excited to the lower level of the line (according 
to the Boltzmann-Saha equations in the case of LTE).
The above theory is sufficiently accurate for the 
metallic lines and the central core regions of most hydro­
gen and helium lines. Hydrogen, however$ outside the 
narrow Doppler core, experiences broadening arising from 
perturbations produced by ions which broaden according to 
the statistical theory and electrons which broaden according 
to the impact (discrete encounter) and/or statistical 
theories. To further complicate calculations, helium 
exhibits not only linear but also quadratic Stark effects
* - h v / K T ) dvl v dv = N (1-e (105)
*
where N is the number of atoms per gram of stellar
81
and even displays lines that are normally forbidden. Be­
cause of these complications, a discussion of these lines 
will be presently postponed to be discussed in some 
detail in the Appendices.
If a spectral line is formed according to the strict 
mechanism of pure absorption, the absorption coefficient
in the line is given by (& +k ) wherein which k is thev v v
total continuum absorption coefficient. The corresponding 
element of optical depth is
Therefore, in terms of some specified continuum optical 
depth, ,
dt = “ (Kv+fcv)P dr (106)
Combining Equations (61) and (106) yields
dtv )d tV (107)
Equations (43) and (106) yield
dt — )d t (108)
v o
t
V
0
(109)
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Numerical integration of Equation (109) immediately yields
a t “t relation since each upper optical depth continuum 
limit on the integral, x^, specified a corresponding line 
optical depth, t^.
The residual intensity in the line is the ratio of 
the integrated flux in the line to that in the continuum,
r
v (110)
0
Numerical integration of Equation (110) with the aid 
of results obtained from Equation (109) immediately yields 
the line profile of any considered absorption line.
CHAPTER V 
A FINE ANALYSIS OF HD 184927
A. Helium-rich Model Atmosphere Grid and Line Program
The grid of model atmospheres and emergent stellar 
fluxes employed in this investigation were kindly made 
available by D. M. Peterson in advance of publication.
The grid was computed utilizing a modified version of the 
program ATLAS (Kurucz, 1970). The models were computed on 
a grid consisting of:
(1) log g = 3.5, 4.0
(2) T ff = 16, 18, 20, 22, 25, 28 (103 °K)
(3) N(He) = 0.20, 0.50, 0.80, 0.90, 0.95 where the 
normalization (by number) is
N(H) + N(He) = 1.0 (111)
This set of parameters was chosen to ensure the bracketing 
of the final atmospheric parameters of HD 184927 (as 
tentatively obtained from the coarse analysis).
A complete description of ATLAS, both physically and 
numerically, is given by Kurucz (1970). The assumptions 
and flow of calculations are basically those given in 
Chapter IV. The entire grid was computed under the 
assumption of local thermodynamic equilibrium. All models
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having <25,000 °K and N(He) < 0.9 were hydrogen-line
(Lyman and Balmer) blanketed; models having Tef^ •> 25,000 
°K and/or N(He) >_ 0.9 were not.
Modifications of the program include (a) inclusion 
of the effects of continuous absorption due to N I, (b) 
utilization of new C I and N I absorption coefficients 
(Henry, 1970), and (c) inclusion of Paschen and Brackett 
line blanketing of hydrogen in the cooler models. These 
modifications should be important only for the cooler 
models (T < 20,000 °K). All important intermediate and 
high temperature absorbers were included.
A further description of the atmosphere program (with 
its modifications) is given by Peterson and Shipman 
(1973), SPO, and OP.
The helium profiles were computed with a code pro­
vided by D. M. Peterson (Peterson and Shipman, 1973). The 
helium line-broadening theories are those of Barnard, 
Cooper, and Shamey (1969; X 4471), Shamey (1969: X 4388),
and Gieske and Griem (1969; X 4143). In addition, the 
wing formulae of Gieske and Griem were used to extend the 
other calculations to larger distances from line center.
The Balmer lines employed in this investigation were 
computed with the semi-empirical theory of Edmonds, 
Schliiter, and Wells (1967). A detailed discussion of 
these computations will be found in the Appendices.
*
85
Both the hydrogen and helium lines were generated 
assuming a microturbulence of zero since the thermal 
velocities of these ions are much larger than the micro- 
turbulent velocities; therefore, the effect of micro­
turbulence on both the equivalent widths and profiles is 
negligible.
B. Model Fitting 
From the observations, one must determine four para­
meters: Teff/ lo9 9/ N(H), and vt (microturbulent
velocity). The procedure of fitting the observations 
within the theoretical grid is best accomplished in the 
log g - T ^f plane with N(H), or N(He), considered as a 
free parameter; vfc is then determined independently from 
the metallic lines. In this particular analysis the 
model atmosphere chosen as the best representative of the 
stellar observations fulfills the following requirements: 
(1) agreement between the theoretical and observed con­
tinuous flux distributions, (2) agreement between the 
observed and theoretical Balmer line profiles and He I 
profiles, (3) ionization equilibrium between S II and 
S III and between Si II and Si III, and (4) agreement 
between the hydrogen abundance determined from the equiva­
lent widths of both the Balmer lines and the He I lines.
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1. The Balmer and He I Lines
The hydrogen-to-helium ratio of HD 184927, in the 
coarse analysis, was determined to be in the intermediate 
range in which the equivalent widths of both the Balmer 
and helium lines depend on N(H). One, therefore, requires 
that both elements yield the same hydrogen abundance. In 
Figures 4a and 4b are shown the theoretical equivalent 
widths of Hyand He I X 4471 as functions of log N(H) for 
various values of gravity and effective temperature. Such 
figures were constructed for Hy, H6, and He I XX 4471, 
4388, and 4143.
The resulting match of log N(H) with the observed 
equivalent widths as a function of log g as the
parameter) for the above five lines is indicated in 
Figures 5a and 5b. For a given Tef£, the intersection 
(solid dot) defines the (log g, N(H)) pair yielding equal 
hydrogen abundance from the hydrogen equivalent widths.
In Figure 6 the line marked "H, He lines" defines the 
locus of all such fits; the values of N(He) are given at 
various points along this line. In this case the hydrogen 
abundance appears only slightly dependent upon Tq^^ and 
log g. Such an approximate independence in N(H) with 
respect to log g and TQff was also found in the fine 
analyses of the hydrogen-deficient stars HD 96446 (Wolf, 
1973), HD 144941 and CPD -69° 2698 (Hunger and Kaufmann, 
1973). In all these cases, the comparison of the hydrogen
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equivalent widths with those of helium provides a reliable 
determination of the hydrogen-td-helium ratio. With this 
rationale, one concludes that N(H) = 0.50; the consistency 
of this conclusion was checked, and found to be valid, 
throughout the remaining analysis.
One would like to obtain some estimate of the in­
accuracy in the above series of measurements. The main 
source of error appears to be in the assignments of the 
"intersection points" in the graphs represented by 
Figures 5a and 5b. The estimated error is of order +0.05 
in log N(H). The best determination of N(H), from the 
Balmer and He I equivalent widths, is then, given by:
N(H) = 0.50 + 0.05 (112)
2. The Hy and H5 Profiles
The theories of Balmer-line broadening which have 
been proposed by Edmonds, Schluter, and Wells (1967),
Griem (1960, 1962, 1967), Kepple and Griem (1968), and 
Pfennig (1966) yield significantly different line con­
tours. Use of the different theories can lead to 
gravities differing by factors of up to three (cf. HS). 
Attempts to select one of these theories on the basis of 
observations have led to different results (cf. Strom and 
Peterson, 1968; Heintze, 1968; Peterson, 1969; Hardorp 
and Scholz, 1968, 1970). At present there exists no
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positive argument which selects (or rules out) one (or 
more) of the possible theories.
In this analysis the Edmonds et al. results were 
employed for the following reasons: (1) this theory
yields the best results in the case of spectra of early A 
main sequence stars (Hardorp and Scholz, 1968; Peterson,
1969) , and (2) Olson (1968) found a good agreement between 
gravities obtained from the Edmonds et. al. theory and 
those found for eclipsing binaries from photometric and 
radial velocity data.
For early B stars, the shape of the hydrogen line 
wings is much more sensitive to differences in log g than 
in Teff/ therefore, the line profiles represent very good 
gravity indicators. The observed profile of Hy from AX =
O O
2 A to AX = 14 A has been compared with the grid of 
theoretical profiles. For a given (Tefff nHe^ Pa:*-r ' 
observed profile has been fit, in a least squares sense, 
to the theoretical profiles for several interpolated 
values of log g. The value of log g which minimized the 
residuals was chosen as the "best fit" third parameter 
for the given (Tefff njje  ^ P^ir. This quantitative 
minimization of the magnitude of the residuals should 
yield accurate, unbiased (Teff, nHe, log g) triplets, at 
least within the wavelength region considered.
Non-LTE calculations for the hydrogen lines in early 
type stars by Peterson and Strom (1969), Auer and Mihalas
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(1969), and Peterson (1969) indicate that there is very 
little difference between non-LTE and LTE Balmer wing 
shapes, but the non-LTE cores differ significantly from 
those given by the corresponding LTE calculations. The
O
central core region (AX < 2 A) was thus excluded in the 
above fitting procedure since this portion of the line is 
formed at small optical depths where the assumption of LTE 
is likely invalid. The shallow, extensive wings of the 
Balmer lines are very difficult to trace, especially on 
high dispersion spectra. The fact that the continuum is 
usually drawn lower on observed profiles, plus the above 
mentioned difficulty in the accurate placement of the far 
wings, indicates that the most accurate profile comparison 
should be obtained only from the central parts of the 
line. To minimize the effect that an error in the chosen 
continuum level would have on the shape of the line,
. O
residuals were considered only out to AX = 14 A. The 
resulting locus of points is marked "Hy Pro" in Figure 6
for n = 0.50.He
H6 was treated in a similar manner. In Figure 6 this 
resulting locus of points is labeled "H6 Pro" for nHe = 
0.50. Since non-LTE effects are more important for the 
higher series members than for Hy and HS (Peterson and 
Strom, 1969), only Hy and H6 were included in this fitting 
process.
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The excellent agreement between the triplets of 
(Teff, nHe' log determined from the profiles of Hy and 
H6 seems to imply that a great deal of confidence can be 
placed in this method of profile reduction. The agreement 
of the (averaged) observed profiles of the two lines with 
the theoretical profiles generated with the final model 
will be presented and discussed in a later section.
3. The Continuous Spectrum and Balmer Discontinuity
A complete description of the acquisition and re­
duction of the observed monochromatic magnitudes, m(l/A), 
was given in Chapter II. The interpretation of the ob­
served continuum depends strongly on the chosen absolute 
calibration of the primary standard star a Lyr. It should, 
once again, be noted that the results of this section are 
based on the calibration of a Lyr as determined by Oke and 
Schild (1970).
In order to compare the observed fluxes with fluxes 
computed from model atmospheres, reddening corrections 
must be applied to the observations. All observed magni­
tudes were corrected for interstellar reddening using the 
standard extinction law (Whitford, 1958) since this region 
of the galaxy has been shown to have normal reddening 
(FitzGerald, 1968; Gottlieb and Upson, 1969). The color 
excess was taken to be +0.06. The estimated errors in
the unreddened values of log F are of the same order of
v
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magnitude as those associated with the corresponding ob­
served values. Results are presented in Table 18. The 
assumption of a normal energy distribution for moderately 
helium enriched stars (N(H) * o.9 to 0.3) has been shown 
by Klinglesmith et. al. (1970) to yield a negligible 
variance in both the Balmer discontinuity and Paschen 
slope; in the range of temperature and surface gravity 
implied by the coarse analysis, a decrease in the hydrogen 
abundance from N(H) = 0.9 to N(H) = 0.3 results in an 
increase in the Balmer discontinuity of only - 0.01 and a 
steepening of the Paschen slope of =* -0.02.
The slope of the Paschen continuum was not employed 
in the determination of the atmospheric parameters for 
the following reasons: (1) this continuum was found to
be extremely sensitive to observational errors, (2) even 
small changes in the interstellar reddening yield relatively 
large changes in the measured slope, and (3) scans of the 
continua of early-type stars (having varying values of 
Teff and log look rather similar to one another long- 
ward of the Balmer discontinuity. One demands only that 
the continuum model generated with the final atmospheric 
parameters agree reasonably well with the observed un­
reddened spectral energy distribution.
However, the quantity m(X 3636) - m(X 4255) = D_(SPO), 
which is a measure of the Balmer jump (see SPO), is a 
very good temperature indicator, being relatively
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insensitive to small changes in the effective surface 
gravity. For all grid models, the Balmer discontinuity 
was computed, using the above definition. The values of 
m(A 3636) and m(X 4255) were then determined from the 
averaged, unreddened continuum measurements of HD 184927 
and the resulting value of DB (SPO) was interpolated within 
the grid of theoretical DB (SPO) values as a function of 
the triplet (Teff t log 9 r nne) • Ttie sequence of para­
meters yielding the observed Balmer discontinuity is shown
in Figure 6 labeled "D^tSPO), n,. ".
d  He
4. Microturbulence
In the complete parametric specification of a model 
atmosphere, one usually introduces an additional source of 
line broadening designated as microturbulence, conven­
tionally considered as describing small scale velocity 
fields in the line-forming regions of the atmosphere. For 
simplicity, this parameter is assumed to be independent 
of atmospheric depth. The value is adjusted until the 
determined abundances are independent of both line strength 
and lower excitation potential.
Since N II and 0 II are the two most numerous ions 
in HD 184927, and because the lines of both elements cover 
a large range in equivalent widths and excitation poten­
tials, the pair was chosen to determine vfc. All lines of 
these ions having reliable equivalent widths, known f
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values, and reasonably well-known damping constants were 
included. Utilizing 37 0 II lines and 26 N II lines, a 
minimization of dependence yielded: (1) from the equiva­
lent widths —  vfc (0 II) = 7 km/sec, vt (N II) = 5 km/sec, 
and (2) from the excitation potentials —  v^ _ (0 II) =
6 km/sec, v^ . (N II) = 5  km/sec. Giving equal weights to 
the above measurements, a value of vfc = 6 + 1 km/sec has 
been adopted for HD 184927, a value not unlike the pre­
viously determined values of microturbulence for early B 
stars (Kodaira and Scholz, 1970, HS, 1970).
Ionization Equilibria
The lines of silicon and sulfur in both the second 
and third stages of ionization are observed in HD 184927 
and can be used to deduce ionization equilibria. A 
necessary criterion for the final model is that the 
abundances of an element, determined from different ioniza 
tion stages, should be the same. As with the Balmer dis­
continuity, this requirement is basically a temperature 
determination, since the dependence on N(He) and log g is 
slight.
Care must be taken when applying ionization balance 
in the selection of the final model atmosphere and one 
should require the following: (1) reliable f values for
all employed lines, (2) the broadening constants must be 
well known, (3) there should be a sufficient number of
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good quality lines of the ions which are used, and (4) the 
elements involved should be formed in deep layers of 
approximately the same optical depth to avoid non-LTE 
difficulties.
Silicon is represented in the spectra of HD 184927 
by five lines of Si II and nine lines of Si III? all lines 
have reliable equivalent width determinations. S II is 
well represented by seventeen lines of varying strength? 
however, only two weak S III lines are present. Broadening 
constants for both ions are known only for a few multi- 
plets. A microturbulent velocity of 6 km/sec was employed 
in the determination of equilibrium.
Peters and Aller (PA, 1970) have illustrated repre­
sentative contribution functions at the line center for 
selected S II and S III lines and conclude that both ions 
are formed relatively deep in the atmosphere in adjacent 
layers. However, Si II is formed quite high in a stellar 
atmosphere (Aller, 1963? Underhill, 1966). PA (1970) show 
that the peak of the contribution function for the cores 
of most Si II lines occurs at log t = -2.5? such a small 
optical depth likely invalidates an LTE assumption. Also, 
Kamp (1973) has shown that, for early B stars, the line 
strengths of Si III obtained by non-LTE calculations
(a) are significantly greater than the LTE strengths, and
(b) are in satisfactory agreement with observations. Be­
cause of the above limitations in the determination of
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an accurate equilibrium, greater weight was given to the 
sulfur results, but, in the determination of the final 
model parameters, more weight was given to the Balmer 
jump than to ionization equilibrium. The locus of points 
satisfying equilibrium are shown in Figure 6 for both 
elements and are marked "element, nHe, v ".
6. Final Atmospheric Parameters
The model that best fits all observational quantities 
is shown in Figure 6 as a filled circle:
Teff = 22,500 °K + 600 °K log g = 3.80 + 0.05
nHe = 0 . 5 0 + 0 . 0 5  vfc = 6 + 1 km/sec
The dashed line represents the error box resulting from 
the fitting procedure.
The excellent agreement between the theoretical and 
observed Hy and HS profiles (except for the line cores) is 
illustrated in Figures 7a and 7b. The observed cores of 
both lines are deeper than the theoretical calculations. 
This effect has been noted by other workers (e.g., HS,
1970) , and, as discussed in Section V2, is due mainly to 
the assumption of LTE being invalid at the small optical 
depths at which these cores are formed. A corresponding 
comparison for the He I lines XX 4471, 4388, and 4143 is 
shown in Figure 8. Satisfactory agreement is obtained 
for both XX 4388 (except for the core) and 4143; however,
96
the theoretical X 4471 profile appears stronger than the 
observed profile. The discrepancies are strikingly 
similar to those obtained by Wolf (1973) in his fine 
analysis of the hydrogen-deficient star HD 96446. Kodaira 
and Scholz (1970) found similar results in their analyses 
of normal early B stars and concluded that certain strong 
He I lines, including X 4471, cannot be fully interpreted 
by a simple LTE theory. This non-LTE effect is possibly 
also reflected in the core of X 4388.
In Figure 9 are shown the measurements of the con­
tinuum discussed in Section V3, together with the pre­
dictions of the final model. Mihalas and Stone (1968) 
and Mihalas and Auer (1970) have shown that a simplified 
H-He non-LTE atmosphere yields almost the same continuum 
as the LTE atmosphere, with the Balmer jump remaining 
approximately unchanged. Therefore, the assumption of 
LTE should be more than adequate for the continuous 
spectrum; the agreement between observation and theory 
which is illustrated in Figure 9 strengthens this con­
clusion.
In Figure 6 one notes that; although approximately 
parallel, the locus of points satisfying the observed 
Balmer discontinuity indicates a lower effective tempera­
ture than does the locus of points describing the ioniza­
tion equilibrium (for both silicon and sulfur). Similar 
results were found by HS (1970), and were discussed by
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Scholz (1972), for normal early B stars. A few of the 
difficulties in correctly applying ionization equilibrium 
were discussed in Section V5; however, utilizing the final 
model, equilibrium (within the errors of abundance 
determination) for both elements was achieved.
C. Metallic Line Analysis 
All metallic abundances have been calculated for a 
model having (Teff, nHe, log g, vfc) = (22,500 °K, 0.50, 
3.8, 6 km/sec). In Table 11 are listed, in consecutive 
columns, the multiplet number, laboratory wavelength, 
oscillator strength, equivalent width, and derived abun­
dances log n (fraction by number) for each line. No 
determined abundance for a particular line implies that 
(a) no f-value could be found, (b) the resulting value 
of log n was >_ 2a  from the mean value indicating mis- 
identification or blending, or (c) there existed divergent 
measurements of the equivalent widths from plate to plate 
and no confidence could be placed in the final, averaged 
value. The indicated references to the oscillator 
strengths as well as comments pertaining to individual 
lines, are given at the end of the table. The total 
damping constant was obtained from the radiative, van der 
Waals, and Stark damping parameters. Values of C4 and 
yrad were obtained from published lists found in the most 
recent literature - the references at the end of Table 11
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are inclusive of all lists so employed.
In the calculation of the Voigt profiles, van der 
Waals constants were estimated by means of Unsold's (1955) 
approximation. If Yrad was not known, a value ten times 
the classical damping constant was adopted. Unknown 
quadratic Stark effect constants were either estimated, or, 
in most cases, were excluded in the calculation of the 
total damping constant. Excitation and ionization poten­
tials were taken from Moore (1959). The resulting abun­
dances listed opposite the ion for a given element is the 
mean abundance of the element derived from the individual 
values of log n.
In Table 19 are listed the final abundances and 
associated errors (formal standard deviation) for HD 
184927 employing the standard normalization: log e =
log (n/n„) + 12; log e„ = 12. For comparison, then n
metallic abundances in the Sun and representative values 
in early B stars are also given.
The derived abundances are somewhat dependent on 
the final model parameters. The sensitivity of log e to 
changes in log g, and vfc has been derived as
follows: (1) A log e' < 0.2 to A Teff ~ — 1q3 °K ' ^
A log e < 0.2 to A log g = + 0.1, and (3) A log e 0.2 
to A vt = + 1 km/sec. The only exceptions to the above 
were S III and Si III which were found to be highly 
sensitive to changes in the effective temperature
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(A log e <_ 0.6 and 0.4, respectively, to ATeff = + io °K) .
D. Individual Metallic Results
1. Carbon, Nitrogen, and Oxygen
The spectrum of HD 184927 contains numerous high 
quality lines of C II, N II, and O II. The f values for 
all these ions are generally well-known, as are the damping 
parameters. Therefore, a high degree of confidence can 
be placed in the derived abundances; the three elements 
show normal abundances relative to normal B stars. This 
result agrees well with the results obtained for the 
hydrogen-deficient stars a  Ori E (Klinglesmith et. al., 
1970) and CPD -69°2698 (Hunger and Kaufmann, 1973). These 
stars also showed no apparent abundance anomalies within 
the CNO group. Scholz (1972) concluded that, for the Sun, 
log (ec/eN) = +0.6 to +0.7, and log (eQ/eN) = +0.9 to 
+1.0. He also found that normal O and B stars had 
correspondingly lower values (though the scatter is large). 
For HD 184927, log (ec/eN) = +0.5 and log (eoAN) = +0.7, 
both values lower than the corresponding solar values 
determined by Scholz. This agreement seems to substantiate 
the conclusion of normality within the CNO group for HD 
184927.
2. Silicon and Sulfur
Both of these elements appear in two stages of ioniza­
tion and were fully discussed in Section VB5. In Table 19
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are listed the abundances for each observed ionization 
stage (II/III) for both elements. Within the associated 
errors, ionization equilibrium is found for both silicon 
and sulfur. Both elements appear to have normal abundances 
relative to normal early B stars with the possibility that 
sulfur is slightly overabundant. A value of log eg = 7.6, 
however, agrees well with many normal early B star fine 
analyses (Aller and Jugaku, 1959; HS, 1970; Kodaira and 
Scholz, 1970) and the overabundance must, therefore, be 
regarded as very questionable.
3. Aluminum
One strong and three moderately strong lines of 
aluminum were identified in the spectrum of HD 184927. No 
damping parameters are known. However, these four lines 
indicate that the abundance of aluminum is normal relative 
to the Sun and normal B stars. This result adds confidence 
to the determined Teff since the abundance of aluminum 
derived from the observed equivalent widths has been 
shown to be very sensitive to the correct choice of 
temperature (PA, 1970).
4. Argon
It is very difficult to get an accurate abundance 
determination from argon lines in the spectra of early B 
stars. Such spectra present only a few weak and blended 
lines. Also, very few damping parameters are known. In
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HD 184927, six weak lines were definitely present. The 
radiation damping parameters are unknown for all lines; 
the quadratic Stark constants are known only for multiplets 
1 and 7. Giving equal weight to all lines yields log ea = 
7.40 + 0.39. Using only multiplets 1 and 7 lowers this 
value by approximately 0.20. If log eAr = 6.8 represents 
a true mean value of the argon abundance for early B stars 
(and this result is very tentative), it appears that argon 
is slightly overabundant in HD 184927. It should, how­
ever, be noted that Aller and Jugaku (1959), in their fine 
analysis of y Peg (B2IV) obtained log = 7.0. Com­
paratively, this implies that the overabundance of argon 
in HD 184927 is, at most, marginal.
5. Iron
Only weak, blended lines of iron, having unknown 
damping parameters, are present. Many lines lack even f 
values, excluding them completely from the analysis.
Recent revisions of certain Fe I f values (Garz and Kock, 
1969; Garz, et. al., 1969) have led to a new value of the 
solar iron abundance of log eFe = 7.6 as compared with the 
old value of log eFe = 6.6 (Aller, 1968). Assuming a 
"normal" value of log eFe = 7.6 for the Sun and normal B 
stars, the results for HD 184927 —  log eFe = 8.0 + 0.3 —  
implies a normal abundance (or, at most, a marginal over­
abundance) for the element). If the prior value for the
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Sun of log eFe = 6.6 is correct, then, in HD 184927, as 
in other early B stars, iron is overabundant by a factor 
of ten to twenty.
6. Phosphorus, Magnesium, and Neon
In HD 184927, the abundances for these elements 
could be determined from only one line for each element.
The lines P III X 4222, a relatively weak line, and Mg II 
X 4481, the prominent doublet, both yield normal abundances 
for the respective elements. The one weak neon line pre­
sent in the spectrum yielded an abundance, to which little 
weight is assigned, of log eNe - 9.1. It thus appears that 
neon is also normal relative to early B stars; it is, 
however, strongly enhanced compared with the Sun. This 
well-known discrepancy between stellar and solar neon 
abundance is reduced in a non-LTE (Auer and Mihalas, 1973) 
calculation.
E. Absolute Magnitude, Mass, Radius, 
Luminosity, and Distance 
In this section, the remaining intrinsic properties 
of HD 184927 are discussed. To arrive at the mass, radius, 
and luminosity, the absolute magnitude and bolometric 
correction (denoted respectively by M , R, L, Mv , and BC) 
must first be determined. The only helium-rich star for 
which a reliable distance determination can be made is a 
Ori E; Greenstein and Wallerstein (1958, GW) demonstrated
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that this star is a member of the multiple star system a 
Orionis. Their method of estimating the absolute magnitude 
of E has been employed. The distance modulus of E is 
established using the measured differences between the 
photoelectric measurements of the magnitudes of the stellar 
components and the magnitudes predicted by a spectral class- 
absolute magnitude calibration. The photoelectric measure­
ments as listed by GW, including their estimate of V =
9.2 for component C, were employed; however, the more 
recent spectral class - Mv calibrations of both Keenan (1966) 
and BlaaUw (1966) have been used. The above method yields 
MV (E) = -1.9 using Blaauw's calibration and Mv (E) * -1.8 
using Keenan’s calibration. These estimates of Mv have 
been checked by using the results of Osmer and Peterson's 
(1974) fine analysis of a Ori E (Te£f = 24,5000 °K, log
O
g = 4.31, nRe = 0.52, (measured) = 5.12 A) and the 
calibration of the W._.- M„ relation given by Petrie (1966).
Xl! V
Since Petrie's calibration is based on "normal" stars, the
grid of Hy profiles was used to correct the observed W.-.to
HY
what would be expected if a Ori E had a normal helium
O
abundance of nHe = 0.10; (corrected) = 5.92 A yields 
Mv =: -2.1. At a temperature of T f^ = 24,5000 °K (spectral 
class B1 - Harris, 1966) a correction of +0.2 in Mv is 
indicated. This method, therefore, yields a final value 
for a  Ori E of Mv =:-1.9.
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The excellent agreement between the cluster value of
M and the "helium-corrected” M determined from Vf for v v Hy
a  Ori E indicates that one may place confidence in this 
mode of absolute magnitude determination. A similar pro­
cess for HD 184927 yields (corrected) = 4.32 A and Mv = 
-3.3. Employing Petrie's correction for a B2 star of +0.1 
(Teff =? 22,500 °K - Harris, 1966) results in = -3.2.
The inherent error in the calibration of the W.^- M rela-
H *  V
tion, as given by Petrie, is Mv = + 0.4.
In the determination of the bolometric correction it
was noted that the theoretical bolometric corrections for
four hydrogen-deficient stars (o Ori E, Klinglesmith et.
al., 1970; HD 96446, Wolf, 1973; HD 144941 and CPD -69°2698,
Hunger and Kaufmann, 1973) agree perfectly with those
given by Harris (1966) for normal stars. Therefore, use
of Harris' values should introduce negligible error; from
his Table 4 one obtains BC = -2.28. The resulting physical
parameters for HD 184927 are; (1) M = 12.4M_, (2)
ts)
R = 7.3R&, and (3) log (L/L@) = 4.1. Using the above 
determined value of Mv , and assuming that the ratio of 
total absorption to color excess is 3.2, a distance to 
HD 184927 of 1250 pc is implied.
Other possible methods of establishing the distance 
to HD 184927 have been considered. There is an insufficient 
number of stars near the position of HD 184927, having 
known UBV measurements and known spectral classifications,
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and the reddening of HD 184927 is so small, that no 
reliable distance estimate is possible from considerations 
of absorption. The method yields only that 2.4 log r 
3.1. The Ca II K line is largely of stellar origin 
(assuming normal calcium abundance) and, therefore, could 
not be used as a distance indicator. Two features at 
X 5890 and X 5896 have been identified as interstellar 
Na I. X 5890 is certainly blended with C II XX 5889.97/ 
91.65. A normal carbon abundance implies that -
0.12. From Binnendijk (1952), one obtains log r * 2.3. 
Again, due to the small number of stars used in this 
calibration, as well as the assumption of interstellar 
horaogenetity over a wide region of space, little weight is 
given to this result.
CHAPTER VI 
CONCLUSIONS
The primary purpose of this research was a complete 
analysis of the atmospheric and physical properties of the 
star HD 184927. Results from the investigation are 
summarized below.
A model atmosphere analysis yielded, as the atmospheric 
parameters best describing all observables:
T ff = 22,500 °K N(H) = 0.50
log g = 3.80 = 6 km/sec
This reduction of the hydrogen to helium ratio to N (H)/
N(He) = 1.0 definitely places HD 184927 in the class of 
"helium-rich" or "hydrogen-deficient" stellar objects of 
which a Ori E is often referred to as the prototype.
Within the limits of accuracy, the abundances for the 
metals carbon, nitrogen, oxygen, silicon, aluminum, 
phosphorus, magnesium, and neon were found to be normal 
with respect to main sequence early B stars. Sulfur, 
argon, and iron were found to be marginally overabundant.
Due to the before-mentioned difficulties concerning these 
three metals, this overabundance should be regarded as, at 
best, questionable. It is very likely that the abundances 
for these elements are also normal relative to the early
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main sequence B stars.
Absolute magnitude, mass, radius, luminosity, and 
distance were found to be:
M = 3.2
M = 12.4
R = 7.3
The values of M, M, R, and L are typical values for 
normal early, main sequence, B stars (Allen, 1963).
One concludes, therefore, that, in all respects, 
except for the apparent atmospheric enrichment of helium,
HD 184927 exhibits the properties of a normal main 
sequence early B star.
There is still much work, both observational and 
theoretical, that needs to be done before helium-rich stars 
can be thoroughly understood. Because of their small 
number, more discoveries are necessary, before one can get 
a firm grasp on the statistics of their characteristics. 
Spectral analysis, coupled to the computation of model 
atmospheres, is needed for every candidate to determine 
reliable effective temperatures and surface gravities.
More extensive abundance determinations with high- 
dispersion spectra are necessary to establish trends for 
the heavier elements and to determine the uniformity of 
the class of helium-rich stars.
log(L/L@) =4.1 
r = 1.25 kpc
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Any complete evolutionary theory of helium-rich stars 
requires not only the above but also reliable mass, 
radius, and luminosity determinations. This requires 
the acquisition of accurate distance determinations. The 
author strongly urges that the method of absolute magni­
tude (or, alternately, distance) determination introduced 
in this manuscript be further tested as soon as another 
candidate having an independent, accurate distance deter­
mination, becomes available.
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Table 1
Known or Suspected Helium-rich Stars
Star Teff (°K) log g N (He) Referenc<
HD 184927
BD + 30°3645 22,500 3.80 0.50 1
0 Ori E = 24,500 4.31 0.52 4
HD 37479 = 22,750 4.15 0.26 5
HR 1932 = 
BD -2° 1327
23,500 4.05 0.39 6
HD 96446 = 25,250 4.20 0.49 2
CPD -59° 3038 27,000 4.5 0.41 3
HD 37017 = 
HR 1890 = 
BD -4° 1183
21,000 4.4 0.16 5
HD 168785 = 28,100 4.37 0.65 4
CoD -30° 15604 29,000 4.4 0.50 3
HD 60344 = 
COD -23° 5673
25,700 4.30 0.42 4
HD 133518 = 
CoD -51° 8745
21,400 4.36 0.56 4
CoD -69° 1618 = 27,300 4.12 0.36 4
CPD -69° 2698 29,000 4.1 0.30 7
COD -46° 4639 29,700 4.37 0.31 4
HD 120640 = 
HR 5206 =
CoD -46° 8909
21,300 4.02 0.18 4
HDE 26411 =
BD +4° 1447
HD 64740 =
HR 3089 =
COD -49° 3137
W66 in NGC 6530
(20,000) (3.6) (0.5) 10,15,16
11,12,13
14
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Table 1 (Continued)
Star T O eff ( K) log g N (He) Reference
BD +13° 3224 
(?)
15,17
HD 144941 = 21,000 3.78 0.95 4
BD -26° 11229 
(?)
21,500 3.5 0.94 7
HD 135485 = 18,400 4.40 0.16 8
BD -14° 4160 
(?)
19,000 4.3 0.12 9
References. —  (1) this paper; (2) Wolf 1973; (3) Dufton 1972; 
(4) Osmer and Peterson 1974; (5) Lester 1972; (6) Klinglesmith et al. 
1970; (7) Hunger and Kaufmann 1973; (8) Schoriberner 1973; (9) Dufton 
1973; (10) Stephenson 1967; (11) Hiltner et al. 1969; (12) Cousins 
and Stoy 1963; (13) Iriarte et al. 1965; (14) Hiltner et al. 1965; 
(15) Lee and Daigle 1972; (16) Landolt 1968; (17) Berger and 
Greenstein 1963.
Table 2
Equivalent Widths in Y Pegasi, Helium-rich, and Helium Stars
Star
Type
Y Peg(1) 
B2 IV
HD 96446(2) 
He-rich
a Ori E(3) 
He-rich
HD 144941(4) BD +13° 3224(5) 
(? transitional ?)
BD +10° 2179(6) 
Helium
(7)HD 168476 
Helium
Line *
He I 4472 1.3 2.4 2.6 3.4 2.7 2.9 1.8
He I 4388 0.8 1.9 2.0 2.3 1.6 2.0 1.4
Hy 4.6 3.6 4.2 1.6 0.6 0.3 0.0
H 6 4.6 4.3 4.0 1.6 0.6 0.2 0.0
He I 4026 1.3 3.3 2.2 3.7 2.5 3.6 2.1
References. —  (1) Aller and Jugaku 1957; (2) Wolf 1973; (3) Klinglesmith et al. 1970; (4) Hunger 
and Kaufmann 1973 ; (5) Berger and Greenstein 1963; (6) Klemola 1961; (7) Hill 1964.
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Table 3
Helium/Hydrogen Line Ratios and Helium 
Abundances for the Helium-rich Stars
Star He I 4143, „ /H6
He I 4471,
/Hy N (He) Reference
a Ori E 0.45 0.71 0.52 5
0.52 0.61 0.39 4
HD 96446 0.57 0.83 (0.72) 1
0.44 0.67 0.49 2
HD 37017 0.27 0.40 0.16 3
HD 168785 0.55 0.87 0.65 4
HD 60344 0.39 0.55 0.42 5
HD 133518 0.44 0.66 0.56 5
CoD -69° 1618 0.35 0.57 0.36 5
0.38 0.62 0.30 6
CoD -46° 4639 0.33 0.46 0.31 5
HD 120640 0.20 0.36 0.18 5
HD 144941 1.52 1.92 0.95 5
1.67 2.09 0.94 6
BD +13° 3224 - 4.5 - 1 10
HD 135485 - 0.25 0.16 7
HD 184927 0.44 0.74 0.50 8,9
References. —  (1) Cowley et al. 1963; (2) Wolf 1973; (3) Lester 
1972; (4) Klinglesmith et al. 1970; (5) Osmer and Peterson 1974; (6) 
Hunger and Kaufmann 1973; (7) Schonberner 1973; (8) (9) Higginbotham 
and Lee 1973 - this paper; (10) Berger and Greenstein 1963.
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Table 4
Photometric Observations of HD 184927
(Lee and Daigle, 1972)
Date r-V V B-V u-B
1970 Sept. 14 7.49 -0.15 -0.82
15 +0.12 7.43 -0.17
16 +0.12 7.43 -0.17 -0.80
17 +0.12 7.44 -0.16 -0.79
24 7.50 -0.18 -0.82
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Table 5
Continuum Measurements of HD 184927; 
Observations of 4/5 April 1973
1/X (u_1) x (S> mV mV
-23Fv (10 **) FX (IQ"11’ AF(%)
1.712 5840 7.545 0.011 3.320 0.292 1.12
1.800 5556 7.444 0.000 3.644 0.354 0.14
1.900 5263 7.333 0.005 4.035 0.437 0.32
2.000 5000 7.267 0.014 4.287 0.514 1.30
2.090 4785 7.194* - 4.586* 0.601* -
2.190 4566 7.104* - 4.982* 0.716* -
2.240 4464 7.081 0.0Q3 5.088 0.765 0.09
2.350 4255 6.994 -0.001 5.512 0.913 0.31
2.402 4167 6.953 0.003 5.727 0.989 0.13
2.480 4032 6.971 0.009 5.634 1.039 0.75
2.589 3862 6.935 0.023 5.825 1.171 2.04
2.700 3704 7.088 0.000 5.057 1.105 0.32
2.750 3636 .7.118 0.000 4.917 1.115 0.12
2.800 3571 7.134 0.013 4.846 1.139 1.19
2.850 3509 7.122 0.006 4.900 1.193 0.36
2.900 3448 7.069 -0.001 5.145 1.297 0.36
2.950 3390 7.083 0.006 5.079 1.325 0.47
* Obtained from one scan only.
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Table 6
Continuum Measurements of HD 184927; 
Observations of 23/24 April 1973
y. (y-1) X(8) mV
mV F (10"23) V Fx (10-11) AF(%;
1.712 5840 7.571 0.034 3.243 0.285 3.23
1.800 5556 7.421 0.028 3.722 0.361 2.55
1.900 5263 7.367 0.016 3.913 0.424 1.46
2.000 5000 7.323 0.013 4.074 0.489 1.04
2.090 4785 7.210 0.024 4.522 0.592 2.22
2.190 4566 7.137 0.026 4.833 0.695 2.35
2.240 4464 7.127 0.021 4.882 0.734 1.80
2.350 4255 7.011 0.021 5.429 0.899 1.88
2.402 4167 6.985 0.014 5.561 0.960 1.11
2.480 4032 7.003 0.027 5.471 1.009 2.48
2.589 3862 6.957 0.016 5.705 1.147 1.43
2.700 3704 7.140 0.025 4.823 1.054 2.32
2.750 3636 7.158 0.019 4.742 1.075 1.72
2.800 3571 7.161 0.035 4.732 1.112 3.19
2.850 3509 7.145 0.014 4.799 1.169 1.21
2.900 3448 7.142 0.024 4.811 1.213 2.15
2.950 3390 7.089 0.029 5.053 1.318 2.67
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Table 7
Continuum Fluxes for HD 184927
1/X ( y-1) X$)
*m =V
-2.5 log F + const
V
2.950 3390 +7.09
2.900 3448 7.12
2.850 3509 7.14
2.800 3571 7.15
2.750 3636 7.15
2.700 3704 7.13
2.589 3862 6.95
2.480 4032 6.99
2.402 4167 6.98
2.350 4255 7.01
2.240 4464 7.12
2.190 4566 7.13
2.090 4785 7.21
2.000 5000 7.31
1.900 5263 7.36
1.800 5556 7.43
1.712 5840 +7.56
* Unweighted means of all scans.
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Table 8
Observational Material for the Analysis of HD 184927
Spectrum Date Dispersion Emulsion Wavelength Region
DA06104 20 Aug 70 6.5 8/mm Ilao bkd 3600 - 4900 (8)
DA0611Q 21 Aug 70 6.5 8 .mm IlaO bkd 3600 - 4900 (8)
DA06115 22 Aug 70 6.5 8/mm Ilao bkd 3600 - 4900 (8)
DA06119 23 Aug 70 6.5 8/mm Ilao bkd 3600 - 4900 (8)
D2412 21 Sep 70 18. 8/mm IlaD 4500 - 6200 (8)
D2413 21 Sep 70 •00
H
8/mm IlaD 4500 - 6200 (8)
IS31808 08 Sep 42 •
oin 8/mm Hy ,
IS35039 13 Apr 45 50. 8/mm hy , hB
IM35232 17 Jun 45 30. 8/mm hy , H$
IS48033 29 Aug 55 50. 8/mm Hy , H3
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Table 9
Calibration Wavelengths of Spectrograms of HD 184927
Spectrum Calibration Wagelengths (8)
DA06104
DA06110
DAO6115
DA06119
D2412
D2413
IS31808
IS35039
IM35232
IS48033
3700 - 4000 - 4300 - 4900
3700 - 4000 - 4300 - 4900
3700 - 4000 - 4300 - 4900
3700 - 4000 - 4300 - 4900
4600 - 5200 - 5800 
4600 - 5200 - 5800 
4300 
4300 
4100 - 4400 
4100 - 4400
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Table 10
Observed Line Profiles in HD 184927
aa<8)
Hy (symmetric)
Residual
H6
A A (8)
(symmetric)
Residual
0.0 0.390 o•o 0.412
1.0 0.605 1.0 0.594
2.0 0.705 2.0 0.696
3.0 0.771 3.0 0.769
4.0 0.822 4.0 0.817
5.0 0.865 5.0 0.857
6.0 0.896 6.0 0.892
00 • o 0.936 GO • o 0.939
10.0 0.961 10.0 0.970
12.0 0.977 12.0 0.988
14.0 0.986 14.0 0.998
16.0 0.990
18.0 0.995
He I A 4471 He I A 4388 He I A 4143
A A (A) Residual AA (8) Residual AA(8) Residual
-15.0 0.992 -10.0 0.995 -10.0 0.992
-14.0 0.990 - 9.0 0.993 - 7.0 0.976
-13.0 0.987 - 8.0 0.988 - 6.0 0.959
-12.0 0.983 - 7.0 0.982 - 5.0 0.942
-11.0 0.978 - 6.0 0.973 - 4.0 0.916
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Table 10 (Continued)
He I X4471 He I X 4388 He I X 4143
AX$) Residual AX(&) Residual AX$) Residue
-9.0 0.963 -4.0 0.936 -2.0 0.838
-8.0 0.952 -3.0 0.904 -1.6 0.813
-7.0 0.937 -2.0 0.854 -1.3 0.791
-6.0 0.918 -1.0 0.772 -1.0 0.765
-5.0 0.895 -0.5 0.704 -0.8 0.741
-4.0 0.866 0.0 0.495 -0.6 0.714
-3.0 0.827 +0.5 0.695 -0.4 0.679
-2.5 0.792 1.0 0.766 -0.2 0.631
-2.0 0.735 2.0 0.844 0.0 0.564
-1.5 0.670 3.0 0.892 +0.2 0.631
-1.0 0.745 4.0 0.924 0.4 0.679
-0.5 0.708 5.0 0.949 0.6 0.714
0.0 0.410 6.0 0.966 0.8 0.741
+0.5 0.689 7.0 0.979 1.0 0.765
1.0 0.757 8.0 0.987 1.3 0.791
1.5 0.786 9.0 0.992 1.6 0.813
2.0 0.809 10.0 0.995 2.0 0.838
3.0 0.844 3.0 0.883
4.0 0.873 4.0 0.916
5.0 0.897 5.0 0.942
6.0 0.916 6.0 0.959
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Table 10 (Continued)
He I X 4471 He I X 4388 He I X 4143
AX<&) Residual AX (8) Residual
o
AX (A) Residual
7.0 0.932 7.0 0.976
8.0 0.946 10.0 0.992
9.0 0.957
10.0 0.967
11.0 0.975
12.0 0.981
13.0 0.986
14.0 0.991
+15.0 0.994
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Table 11
HD 184927 - Metallic Line Spectrum
Mult. X (8) log gf W (m8)
A
log n
C II log n = -3.68 ± 0.45
4 3918.98 -0.54 b 73 -4.11
3920.68 -0.24 b 69 -4.45
6 4267.02 . 
.27 *
0.99 f 149 -4.35
15 5648.08 -0.38 b 31 -3.41
16 5132.96
3.29
-0.24 b 37 -3.56
25 4954.16 44 i
4964.90 24 i
33 3876.05
.19
.41
.67
1.33 f 64 -3.75
36 4074.53 \ 
.89
0.61 f 29 -3.69
4076.00 0.75 b 59 -3.28
37 3980.35 -0.14 f 18 -2.91
39 4411.20
.52 '
0.97 d 36 -3.83
40 4410.06 0.57 b 17 -3.93
45 4374.28 0.66 b 31 -3.59
51 5114.07 -0.21 a 41 j
5119.55 0.59 b 44 -3.00
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Table 11 (Continued)
Mult. X (8) log gf W (m8)A
log n
N II log n = -4.22 ± 0.22
3 5666.64 0.01 a 68 -3.89
5679.56 0.28 b 64 -4.21
5 4601.48 -0.37 b 31 -4.42
4607.15 -0.49 b 30 -4.33
5 4613.87 -0.73 b 24 -4.24
4621.39 -0.54 b 26 -4.39
4630.54 0.13 b 63 -4.28
4643.09 -0.35 b 39 -4.22
6 3955.85 32 i
12 3995.00 0.28 b 74 -4.37
15 4447.03 0.29 b 44 -4.27
19 5005.14 0.61 b 44 -4.37
5025.67 -0.45 c 20 -3.93
20 4788.13 -0.37 b 16 -4.18
4803.27 -0.12 b 38 -3.82
30 3829.80 -0.72 c 28 j
33 4227.75 -0.07 b 21 -4.24
38 4082.28 -1.40 b 20 j
39 4035.09 0.62 b 33 -4.22
4041.32 0.85 b 39 -4.31
4043.54 0.74 b 21 j
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Table 11 (Continued)
Mult. X (8) log gf W ^  (m8) log n
4044.75 -0.44 b 27 j
4057.00 -0.44 b 14 -3.72
42 4176.16 0.60 b 27 -4.36
42
43
4176.16 ■> 
4171.61
0.69 f 45 -3.99
43 4171.61 18 i
48 4236.93 , 
7.05 *
0.78 f 22 -4.62
48 4241.78 0.72 f 25 -4.49
50 4179.66 -0.20 a 18 -3.77
55 4432.74 0.58 b 29 -4.14
59 4530.40 0.67 b 26 -4.25
0 II log n = -3.55 ± 0.22
1 4638.85 -0.26 a 31 -3.72
4641.81 0.18 c 57 -3.51
4649.14 0.43 a 63 -3.64
4650.84 -0.28 a 32 -3.65
4661.64 -0.17 a 35 -3.66
4673.75 -1.07 c 23 -3.11
4676.23 -0.30 a 41 -3.36
2 4317.14 -0.33 c 25 -3.89
4319.63 -0.32 a 22 -3.95
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Table 11 (Continued)
Mult. X (X) log gf W ^  (mX) log n
4325.77 -1.06 c 19 -3.20
4345.56 -0.30 c 23 j
4349.42 0.10 a 33 -3.47
4366.90 -0.23 a 37 -3.52
5 4414.91 0.31 a 51 -3.71
4416.98 0.04 a 37 -3.77
6 3945.05 -0.69 c 24 -3.59
3954.37 -0.35 a 33 -3.45
3982.71 -0.67 a 19 -3.47
10 4069.64 , 0.14-.a 53 K
.90 0.35
4072.16 0.53 a 45 -3.52
4075.87 0.69 a 59 -3.39
4078.86 -0.26 a 20 -3.51
4085.12 -0.14 a 23 -3.48
4092.94 -0.25a 21 j
15 4590.97 0.45 a 32 -3.70
4596.17 0.29 a 24 -3.77
16 4351.26 0.22 a 21 -3.43
17 3911.96 0.07 a 26 -3.57
19 4132.81 -0.07 a 24 -3.54
4153.30 0.08 c 45 -3.06
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Table 11 (continued)
Mult. X (8) log gf W ^  (m8) log n
4156.54 -0.79 c 20 j
20 4119.22 0.48 a 30 -3.64
25 4699.21 0.41 a 38 -3.29
4705.35 0.56 a 35 -3.52
26 4395.95 -0.16 a 37 j
36 4185.45 0.71 a 22 -3.75
4189.78 0.82 a 27 -3.70
40 4698.48 -0.93 c 35 j
41 4331.47 -0.94 a 14 j
48 4089.29 0.90 a 32 -3.74
49 4071.20 21 i
4083.91 17 i
50 4048.22 -0.37 a 16 j
65 4332.76 22 i
66
75
4331.13 
.13 *
21 i
76 4353.60 11 i
86 4489.48 0.26 a 17 -3.17
4491.25 0.52 a 10 -3.77
87 4466.32 -0.43 h 20 j
97 4060.98 0.62 a 13 -3.36
101 4253.74 , 
.98 '
0.95 a-. 
0.84 b
38 j
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Table 11 (Continued)
Mult. log f (m&) log n
Ne I log n = -3.18
1 5881.90 -0.70 b 30 -3.18
Mg II log n = -4.78
4 4481.13
.33 }
0.98 e 138 -4.78
Al III log n = -5.89 ± 0.18
2 5696.47 0.23 b 62 -5.65
3 4512.54 0.42 b 30 -6.04
4528.91
9.18 }
0.67 d 38 -6.07
8 4479.89
.97 }
1.26 d 40 -5.80
Si II log n = -5.11 ± 0.32
1 3853.66 -1.32 b 29 -4.61
3856.02 -0.34 b 57 -5.21
3862.59 -0.83 b 45 -4.88
3 4128.05 0.37 b 36 -5.34
4130.88 0.60 b 43 -5.47
Si III log n = -4.64 ± 0.24
2 4552.65 0.26 a 93 -4.86
4567.87 0.04 b 73 -4.90
4574.78 -0.43 b 50 -4.80
4 5739.73 -0.17 b 51 -4.58
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Table 11 (Continued)
Mult. X(S) log gf w (mX)A
log n
5 3791.41 0.06 a 22 -4.82
3796.11 0.43 e 14 j
3806.56 0.70 h 59 -4.72
- 3924.44 0.93 a 24 a
9 4813.33 0.70 a 30 -4.46
4819.71 0.82 a 37 -4.31
4828.97 0.93 b 41 -4.28
P III log n = -6.58
3 4222.15 0.18 e 26 -6.58
S II log n = -4.74 ± 0.34
1 5027.19 -0.72 g 37 -4.35
6 5453.81 0.58 b 50 -5.22
7 4924.08 -0.32 g 35 -4.63
5032.41 0.20 b 36 -5.12
9 4656.74 -0.81 g 24 -4.48
4815.52 -0.05 g 51 -4.62
14 5646.98 0.11 g 46 -4.71
15 4917.15 -0.40 g 28 -4.61
32 4431.02 18 i
35 4763.38 38 i
36 4668.58 < 0.41 g 30 -5.15
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Table 11 (Continued)
Mult. X(A) log gf (mS) log n
38 5345.67 0.28 g 60 -4.37
39 5201.00 i 
.32
0.05 g 53 -4.26
43 4463.58 -0.02 g 25 -4.53
44 4162.70 0.78 g 24 -5.37
4168.41 -0.16 g 08 -5.02
4217.23 -0.15 g 27 -4.35
49 4294.43 <0.34 b 19 -5.03
4318.68 -0.07 b 14 -4.69
57 5006.71 -0.41 g 33 j
64 4174.04 -1.24 g 30 j
S III log n = -4.60 ± 0.03
4 4332.71 -0.27 g 22 -4.62
7 4354.56 -1.63 a 17 j
8 3983.77 -0.45 b 23 -4.58
Ar II log n = -4.90 ± 0.39
1 4431.00 -0.71 g 18 -4.86
7 4331.20 -0.20 g 21 -4.87
4348.06 0.17 g 28 -5.39
4426.01 0.45 g 17 -5.34
37 5017.16 -0.28 g 28 -4.30
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Table 11 (Continued)
Mult. x$) log gf W (mS) A
log n
101 4052.92 0.18 g 16 -4.65
124 4199.93 15 i
Fe III log n = -4.29 ± 0.32
4 4352.57 16 i
4419.59 -2.50 b 29 -4.58
4430.95 -3.26 f 18 -4.17
118 4137.93 0.62 b 27 -4.33
4139.37 0.51 b 29 -4.15
4168.41 08 i
4164.79 0.91 a 24 -4.74
4166.86 -0.32 a 18 -3.77
- 4154.98 0.83 a 21 K,Jl
- 4174.26 30 i, &
- 4200.38 - 15
- 4222.39 26
a Hardorp and Scholz (1970). 
b Kodaira and Scholz (1970). 
c Weise et al. (1966). 
d Wolf (1973).
e Hunger and Klinglesmith (1969). 
f Hill (1965). 
g Weise et al. (1969). 
h Sievers (1969). 
i gf values unknown, 
j value of long n >_ 2 a from mean. 
K discordant measurements in W^ .
H excitation potential unknown.
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Table 12
Photometry for Several Helium-rich Stars
Star (B-V) (U-B) Ref (B~v)o (U-B)O
HD96446 -0.16 -0.87 1 -0.25 -0.94
HD37017 -0.14 -0.76 2 -0.22 -0.82
HD37479 -0.18 -0.83 3 -0.23 -0.87
-0.21 -0.91 4 -0.25 -0.94
References. —  (1) 
Loden 1966; (3) Hardie, 
and Wallerstein 1958.
Jaschek
Heiser,
and
and
Jaschek
Tolbert
1971; (2) 
1964; (4)
Morgan and 
Greenstein
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Effective
Table 13 
Temperature Scale
(U-B)o (B-V)o
Teff (°K>
Morton
and
Adams
Hyland SPO
-1.08 -0.30 30900 28800 29200
-1.01 -0.28 26200 25600 25800
-0.93 -0.26 22600 22400 23000
-0.86 -0.24 20500 20500 21000
-0.71 -0.20 17900 17400 17600
-0.56 -0.16 15600 15300 15200
■v>'' ••
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Table 14
Comparison of Computed Values of T ^  
for Several Helium-rich Stars e
Star T __ (UBV) T __ (fine analysis)err err
HD 96446 21,700 25,000 - 27,000
HD37017 18,700 21,000
HD37479 19,800 22,750 - 24,500
n5
6
7
8
9
10
11
12
13
14
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Table 15 
Determination of N(HI,n=2)
<W (8)> f log N(HI,n=2)
A
4340.47 4.05 4.47.10-2 14.73
4101.74 4.08 2.21.10-2 15.10
3970.06 4.51 1.27.10-2 15.40
3889.00 4.08 8.04.10-3 15.58
3835.38 Combined with He 5.43.10"3
3797.92 2.35 3.85.10-3 15.70
3770.65 1.82 2.84.10"3 15.73
3750.18 1.46 2.15.10-3 15.74
3734.38 0.99 1.67.10"3 15.68
3721.91 0.36 1.33.10-3 
Extrapolated Value . .
15.35 
. 15.90
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Table 16
Determination of N(HeI,2 P)
<W->
o
(A)> log N(HeI,2 P)
23P°-n3D
4
5
6
7
8 
9
10
4471.48
4026.19
3819.61
3705.14
3634.37
3587.40
3554.52
3.00
2.76
1.80
1.59
2.30
2.18
1.75
.1229
.04668
.0232
.0135
.00849
.00577
.00408
14.13
14.62
14.80
14.99
15.36
15.53
15.57
102 S-n P
4
5
3964.73
3613.64
0.40
0.54
.0508
.0224
14.61
15.18
1 O 1 2 P -n S
5
6
7
8 
9
4437.55
4168.97
4023.99
3935.91
3878.18
0.29 
0.31 
Bid with 
X4026,Hel 
0.22 
Bid with 
X387lHeI, 
X3889HI
.00307
.00151
.00087
.00555
.00037
15.26
15.66
15.86
3 o 3 2 P -n S
4
5
6
7
8 
9
10
4713.14
4120.84
3867.48
3732.86
3651.97
3599.30
3562.95
0.43 
0.53 
0.30 
Bid with 
\3734,HI 
0.27 
0.26 
Bid with 
X3554,HeI
.01159
.00404
.00197
.00109
.00071
.00048
.00034
14.28
14.92
15.07
15.50
15.66
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Table 16 (Continued)
n X <W^ (A)> f log N(HeI,23P)
5 4387.93 1.73 .04308 14.92
6 4143.76 1.80 .0266 15.18
7 4009.27 1.92 .0117 15.59
8 3926.53 1.90 .00740 15.32
9 3871.82 1.89 .00495 15.95
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Table 17
Extrapolated value and Weight of Log N (A ) for Helium
Series Weight Extrapolated
Value
23P°-n3D 2 15.80
21P°-n1D 2 16.20
23P°-n3S 1 16.00
21P°-n1S 1 >16.00
2S-nP 1 >15.30
Log N(HeI,23P) . . . .  16.00
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Table 18
Unreddened Continuum Fluxes for HD 184927
i/x (u"1) X (8) Unreddenedlog F + const * V
2.950 3390 -2.80
2.900 3448 2.81
2.850 3509 2.82
2.800 3571 2.83
2.750 3636 2.83
2.700 3704 2.82
2.589 3862 2.76
2.480 4032 2.78
2.402 4167 2.78
2.350 4255 2.79
2.240 4464 2.84
2.190 4566 2.85
2.090 4785 2.88
2.000 5000 2.93
1.900 5263 2.95
1.800 5556 2.99
1.712 5840 -3.05
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Table 19
Abundances (log £) in HD 184927, the Sun, and Normal B Stars
Element HD 184927 Error^ Sun* Normal B Stars*
H 12.00 12.00 12.00
He 12.00 10.8 11.0
C 8.62
in« 8.6 8.6
N 8.08 .22 7.9 7.9
0 8.75 .22 8.9 00 • ID
Ne (9.1) i 8.0 8.8
Mg 7.52 i 7.3 7.3
A1 6.41 .18 6.3 6.3
Si** 7.19/ .32/ 7.5 7.5
7.66 .24
P 5.72 i 5.5 5.5
s** 7.56/ .34/ 7.2 7.2
7.70 .03
Ar 7.40 .39 6.8
Fe 8.01 .32 7.6 7.6
* values for the Sun and normal B stars from: (a) Scholz, M.
1972, and (b) Baschek, B. 1973
+ formal standard deviation
! 1 line only
** listed as II/III stages of ionization
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APPENDIX I
A Simple Adiabatic Approach to Stark Broadening 
For the Hydrogen Lines
1. Physics
In the case of pure Stark effect the line absorption 
coefficient of a hydrogen line per gram of stellar material 
corrected for stimulated emission is
2
, * . -hv/KTx r ire2 X f+ .St dv = N (1-e ) [ — 2 “p-= S(a)
v me o
+ > av
D
where
(a) f is the total f-value of the components of the 
line which are displaced positively and negatively 
by an electric field.
(b) fo is the total f-value of the undisplaced
components.
*
(c) N is the number of atoms per gram of stellar 
material excited to the lower level of the line 
(according to the Boltzmann-Saha equations in 
the usual case).
(d) Fq is the "normal" field strength
(e) Av is the Doppler half-width of the line due to
D
thermal Doppler effect.
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(f) The constants h, K, i t ,  e, m, and c are conven­
tionally defined.
For computational ease Equation (1) is written
JL = STIMEN (STARK + HARRIS) (2)
v
where
STIMEN = N*(l-e“hV^KT) (3)
2 X^f
STARK = — i s (a) (4)
me o
H A S M S  = n z r -  ^  H ( a >v) <5)
where Equations (4) and (5) describe Stark broadening and 
the results of other broadening mechanisms, respectively. 
Equation (3) corrects for stimulated emission and converts 
to number density per gram of stellar material.
2. Calculation of STIMEN
Boltzmann's equation implies that, for the Balmer 
lines,
. N(HI,n=2) -5040 /11T , g(HI,n-2)
109 -nTSTJ----- = -7F—  X(HI,n=2) + log S ' -
HX
(6 )
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The excitation potential, x(HI,n=2) in eV, and 
statistical weight, g(HI,n=2), are known values. The 
partition function, URI(T) is assumed to be independent 
of temperature; this approximation is valid for all 
reasonable astrophysical temperatures and should introduce 
negligible error in the final results. Define A by
The above approximations imply that, for a given x-T 
relation, A = A(T) = A(x) can be calculated. An input 
atmosphere (x-T relation) will henceforth be assumed. 
Saha's equation yields
The ionization potential, I in eV, and both partition 
functions, URI (T) and uHIj(T) are known quantities 
(assuming, as before, temperature independence for the 
partition functions)• Define 3 by
-5040
T I + 2.5 log T -0.48
+ log 2 + log UHII(T) - log URI(T)
- log Pe (8)
(9 )
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Therefore, for a given t-T-P relation, where Pe is the
electron pressure, 3 = 3(T,P ) = B(t ) can be calculated.
This expands the input atmosphere to known values for
t-T-P . e
From Equations (7) and (9) one has
N (HI ,n=s2) = A (t )N (HI)
N(HII) = 3(x)N(HI) (10)
It follows that
N(HI,n=2) _ N(HI,n=2) _ A(t )N(HI) ,,,,
NTHT) N(HI)+N(HII) ” N(HI)+3(T)N(HI) K }
implying
N(HI,n-2) _ A(r) _
N(HTr  - I+3TFT - Y(T) (12)
3
where y(T) is in units of atoms per cm , 
Consider a given number ratio
N(H) _ a
ifHleT E  (13)
normalized such that
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N (H) +N (He) = a+b = 1.0 (14)
The corresponding mass ratio is
m (H) _ r a i / r 4b .
m'(He) a+4b ' a+4b (15)
normalized such that
m (H) + m (He) = 1.0 (16)
This implies that, in one gram of stellar material, there 
exists (a/a+4b) grams of hydrogen and (4b/a+4b) grams of 
helium. Or, for a given density, p(x) in grams per cm , 
there exists (a/a+4b)p(x) grams of hydrogen per cm and
3
(4b/a+4b)p(t ) grams of helium per cm . If m„ is the massH
3
of one hydrogen atom then in one cm of stellar material, 
there exists (a/a+4b) (p (xJ/nijj) hydrogen atoms. The input 
atmosphere is once again expanded to an assumed known 
x-T-Pe“p relation. The number of atoms in the (HI,n=2)
3
state per cm is, thus, given by
N(HI,n=2) = y (t > [ ypfjj ] fiiiL (17)
It immediately follows that
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a , Y(t ) 
"HiN = 1 5T3F 1 ^  <18>
For a given frequency, Vr the quantity 6 v(T) is 
easily calculated where
6 v(T) e i-e“hv/KT (19)
and Equation (3) becomes
STIMEN = [  ^  6 v(T) (20)
It should be noted that the electron pressure can be
obtained from the electron number, N , from the relation
6
P = N KT (21)e e
3. Calculation of HARRIS
In Equation (5), the quantity AvQ may be written
/ s f  <22)
implying
2KT /
HARRIS = C, \ £ o
/T
(23)
where
c - F t * £
1 y  2K me 
For a given line, both X and fo are known and
HARRIS = C0
2 v/T
where
C2 E ^1
For a given atmosphere (T(r) known)
C2HARRIS(t ) = — -—  H(a,v)
/T (t )
or
HARRIS(t ) = e (t )H(a, v)
where
c2e (x) = — =-—  
j/fTrT
In the function H(a,v)
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a = w -n r «9)
o
where T is the total damping constant and
A V  = 1  [HP (30)
For a given atmosphere. Equation (30) is easily solved, 
Also
r e rTOTAL
= r , + r (3i)rad coll ' '
where rra(j is the radiation damping constant and r 
accounts for collisional broadening. In this analysis, 
the approximation
r as r , (32)TOTAL rad ' '
was employed. For a transition from level n,
r = s a  . (i-e -hv/ K'r) -1 + e
n n'<n nn n">n gn
An«n (ehV/KT-l)_1 (33)
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where the "A's" are the Einstein emission coefficients for 
the transitions. For a transition, n to m,
Therefore, for a given line (known n, m, g-values, A- 
values, and frequency) and atmosphere T(t ) = ^(r) + rm (x) 
can be calculated. Equations (30) through (34) also allow 
the calculation of the quantity
The quantity v in H(a,v) is defined by
Assuming a given line and atmosphere, and a chosen grid,
AX, across the line, Equations (36) and (37) allow the
determination of the quantities v(t,AA) and AX (t).o
Expanding the function H(a,v) as follows
(36)
where
(37)
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H(a,v) = Hq (v) + aH^ (v) + a2H2 (v)
+ a3H3 (v) + ... (38)
yields the quantity
HARRIS(t,AX) = C 0 3^ -V > = e (t)H(t,AX) (39)
for a given set of functions Hq (v), H^v), H2 (v)f... . 
References to such tabulations may be found in Chapter IV,
4. Calculation of STARK
For a chose line, the function STARK may be written
STARK = STRCOF ^ T T  (40)
IT/J
where
ire X f
STRCOF = ---------- 7  <41)
(1.25*10 )mc
and the "normal" field strength, Fo, has been written 
Fo - 1.25-10"9 N2/ 3 (42)
3
The number of particles per cm causing the broadening is
indicated by N. Approximating
171
N - N = N (t.) (43)
6 S
and noting that
„ = AX _ 1 AX
FO 1.25-10"^ N2^
~ — :nr ... . • ""9/3 - a (x,AX) (44)
1.25-10 y [Ne (t)] 7
implies that (1) for a given atmosphere, (2) for a chosen 
line, (3) for a chosen grid of AX across the line, and 
(4) for a given a-S(a) relation
STARK(t ,AX) = STRCOF J (4 5)
[N(x) ]
may be calculated. A comprehensive table of (a,S(a)) has 
been given by Underhill and Waddell (1959). This article 
also contains values for fo and f+ for the Balmer lines.
APPENDIX II 
Hydrogenic Stark Broadening Based on the 
"Modified Impact Theory"
1. Physics
As in Appendix I, the line absorption coefficient 
per gram of stellar material, corrected for stimulated 
emission, when Stark effect dominates, can be written
I = STIMEN(STARK + HARRIS) (1)
V
where the functions STIMEN and HARRIS are as defined in 
Appendix I. The function STARK is now defined by
2 f.X2 r ( a  .
STARK = (2)
me nm
for a transition between two levels with principal quantum 
numbers n and m (n>m).
2. Calculation of STARK
For a given line, Equation (2) becomes
STARK = SI (3)
nm
where
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SI = 3 ^  f A2 (4)
me —
In Equation (3), is a polynomial in the quantum
numbers n and m, which gives the relative width of the 
Stark pattern of the line
K = 5.5*10_5z"5 ■(SS-)-y (5)
™  (n -m )
where Z is the effective charge of the nucleus. Writting 
Fo = 1.25-10”9 N2/ 3 (6)
and approximating
N - Ne (7)
yields, for a given line and atmosphere (x-T-Ne) ,
STARK(t) = S2(t) G(e,y) (8)
where
S2(T> =
(9)
In the function G(g,y), 3 is the reduced wavelength 
shift defined by
(10)
nm
Therefore, from Equations (5), (6), and (10), 3 =
3(t ,AX) can be calculated. The quantity y is the half-width 
of the dispersion profile due to electron collisions and 
is given by the following expressions:
Case 1 ... AX < AX_
P
= 1. 5tt (AX/AX^ 3)1/2 + yQ (11)
Case 2 ... AX < AX < AXp - a)
y = 1.5tt (AX/AX^ 3)1/2
+ Yo log(AX /AX ) * a) p
log(AX^/AX)
(12)
Case 3 AX < AX
0)
(13)
where
Equations (11) through (16) allow the calculation of 
y(x,AX), again assuming a chosen line and known x-T-Ne
relation.
The function G(0,y) is the normalized profile of the 
line. In the wings (3>20) it is approximated by
0«,Tf) = 1 .56- 5/2 I 1 + YJ ] £ ]  (17)
For 3<20,G((S,y) has been tabulated by Griem (1960, 62, 67).
From the above equations, one can now calculate 
STARK(x,AX).
APPENDIX III
A Semi-Empirical Approach to Stark Broadening
1. Physics
As in Appendix I, the line absorption coefficient per 
gram of stellar material, corrected for stimulated 
emission, for dominant Stark broadening, may be written
%  =  STIMEN(STARK + HARRIS) (1)
where the functions STIMEN and HARRIS are as defined in 
Appendix I. The function STARK is now defined by
2 2 f (n'n)
STARK - I t *  S i tp,B) f f a . (2)
me n n
for a transition, n'n, where n' and n are the principal 
quantum numbers of the lower and upper states, respectively.
2. Calculation of STARK
For a given line, Equation (2) becomes
v
STARK = STRCOF dam * (3)
where
STRCOF (4)
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Assuming a quasi-static (ion only) profile, and 
modifying the number of static perturbers, N, to account 
for the electrons, yields
N - N(M) = Ne {1.5 + 0.5 } (5)
Z = 6 ' 4' 1C>6 F (n ',n ) ( - i y  -  iy ) | ' | (6)
n'. n
where the dipole matrix element F(n',n) for the inter­
action depends on the principal quantum number n of the
2
upper level approximately as n /2. Exact values are 
tabulated by Edmonds, et. al. (1967).
The function sn in (P*a) da/dAA can be shown capable 
of being written as follows
S„'n<P'“> air = Sn ,n (p[N*),0l[N]) fl§>. (7)
where
! 8 >
and the normal field strength Fo is given by
Fo = 1.25»10"9 N2^ 3 (9)
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*
Here N may be set equal to N(AA) at the estimated half- 
width AX' of the observed profile considered
N* = N(AX') (10)
The renormalization factor L . is defined byn n
Ln’n '-00
1 (11)
The parameter p accounts for shielding and correla­
tion and is given by
The variable a is related to wavelength displacement
Using the approximation of Equation (10), p(x) can be 
calculated from Equation (12) assuming a known x-T-Ne 
relation. Also, a can be calculated from Equation (13) 
with a given AX grid. This permits the determination of 
the Stark broadening coefficients from the tables of 
Edmonds et. al. (1967). Equation (7) is thus calculable.
p = 0.0898 N (12)
o
AX(A) from the line center by
a = AX/Fo (13)
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Since p is held constant relative to AX and the 
variation in a with respect to AX is explicit in Equation 
(7) , Ln ,n is unity.
The calculation of STARK(t ,AX) readily follows.
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